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The high-energy emission from low-mass stars is a product of stellar magnetism and turbulent

convection as well as an input to the dynamics of planetary atmospheres. Observing this high-energy

emission and understanding its formation are vital to understanding the physics of both stars and

planets. One limitation to our knowledge of planetary atmospheric escape is the lack of observed

extreme ultraviolet spectra for most stars, and to overcome this obstacle I present a method to

use more accessible observations to infer the unobserved extreme ultraviolet. Then I measure the

variability of emission from the upper layers of the stellar atmosphere for a number of stars across

a range of rotation periods to characterize one aspect of how magnetic heating processes seem

to collectively wane as stars age and spin down. That spin-down over time takes place after an

initial phase of high activity during a star’s youth, an important period of time for early planetary

evolution, and so I combine my method of extreme ultraviolet inference with existing studies of

solar-type stars to estimate the cumulative irradiation of planets orbiting the young Solar analog

V1298 Tau. Finally, I extend this approach of using stars across time and rotation period to

map out how the high-energy spectrum evolves for M dwarfs, the most common type of star and

exoplanet host.
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Chapter 1

Introduction

The majority of all the worlds we know of are illuminated by a star whose mass does not

significantly exceed our Sun’s and whose radiation places it along a bounded path within a color-

magnitude diagram (Hertzsprung, 1911; Russell, 1913), identifying it as a main-sequence star pri-

marily powered by the fusion of hydrogen into helium (see Figure 1.1). These low-mass main

sequence stars possess magnetic fields, those fields transport some fraction of the internal energy

up and out to the plasma of the outer layers of the stellar atmosphere, that plasma emits high-energy

photons, and some of those photons interact with the atmospheres of the planets orbiting these

stars. High-energy radiation is an observable phenomenon that is both an effect of stellar magnetic

processes and a cause of planetary atmospheric processes. This dissertation characterizes some

aspects of the high-energy radiation from low mass stars to improve our collective understanding

of stellar atmospheric structure, stellar magnetism, and planetary atmospheres.

The success of exoplanet detection surveys has placed us in an era of exoplanet demographics

and comparative exoplanetology. Bryson et al. (2021) has stated that G dwarfs like our Sun are

expected to host 0.38 – 0.63 rocky planets at an instellation where they could have liquid surface

water under an Earth-like atmosphere according to calculations in Kopparapu et al. (2014)1 and

0.32 – 0.42 rocky planets in the liquid water zone for K dwarfs. A similar analysis by Hsu et al.

(2020) using the liquid water zone defined in Kopparapu et al. (2013) and slightly different radius

boundaries for rocky planets found an occurrence rate of 0.33 – 0.44 such planets per star for

1 this orbital region is often referred to as the habitable zone, although this work will refer to this as the “liquid
water zone” instead to avoid over-interpretation



2

Figure 1.1: Figure 5 of Gaia Collaboration et al. (2018a). The bottom x -axis shows the GBP−GBP

color measurement of the difference between two Gaia photometric filters, while the top x -axis
approximately transforms the colors to stellar effective temperature and the tick marks separate
spectral types. The left y-axis uses Gaia parallax measurements to transform photometric mea-
surements in the Gaia G-band to absolute magnitude and the right y-axis transforms this quantity
to stellar luminosity. The sample of stars has been filtered by signal-to-noise, low interstellar red-
dening E(B − V ) < 0.015, and other quality criteria described in Section 2 of Gaia Collaboration
et al. (2018a), so it should be noted that this sample is not statistically complete. The color scales
with the square root of the density of stars at that point in parameter space. The stars this work
focuses on are within the region traced by the brightest overdensity path to the right of the “G”
tick mark on the temperature axis.
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M dwarfs. The physical distance and orbital periods for the liquid water zone depend on the

bolometric luminosity of an exoplanet host star, a quantity that decreases by a factor of > 1000

from a star like our Sun to a M7.5V star like TRAPPIST-1 (Gonzales et al., 2019), which hosts 7

planets (Gillon et al., 2016, 2017) including 4 in the liquid water zone (Hill et al., 2023).

While the total energy irradiating a planet is an important quantity, it is insufficient to

determine the composition or structure of a planetary atmosphere. We can glean some information

about a planetary atmosphere by directly imaging it to measure its emission, or by the indirect

measurements of transmission and secondary eclipse spectroscopy, but interpreting the signal we

observe to understand the physical properties of that atmosphere requires a knowledge of the

incident stellar radiation field that goes beyond the luminosity to the spectral energy distribution

(SED) Fλ, which also changes dramatically across the mass-interval of 0.2 – 1 M⊙, as demonstrated

in Figure 1.2 which compares the SEDs of TRAPPIST-1 and the Sun after scaling them to the

same bolometric instellation (Wilson et al., 2021).

For convenience, we will divide the wavelength interval this work treats as “high-energy” 1 –

3200 Å into four sub-intervals, schematically described in Figure 1.3, by a combination of where the

emission is formed in the stellar atmosphere and absorbed in the planetary atmosphere: X-ray (1

– 100 Å), which is mostly emitted from the corona and heats the upper exosphere of a planet; the

extreme ultraviolet (EUV, 100 – 912 Å)2 , which is emitted from all three upper layers and is also

mostly absorbed by heating the exosphere and ionizing H and He; the far ultraviolet (FUV, 912 –

1700 Å), which is formed in the chromosphere and transition region and photodissociates molecules

further into a planet’s atmosphere; and the near ultraviolet (NUV, 1700 – 3200 Å), which is emitted

by the photosphere and chromosphere and also photodissociates molecules (France et al., 2016).

2 practically this interval and the boundaries of its neighbors will be redefined in the context of the data available
for individual systems
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Figure 1.2: Spectral energy distribution of TRAPPIST-1 (M8V) compared to the Sun (G2V),
scaled so that the integrated flux of both spectra matches the insolation received at 1 AU from
the Sun, taken from Figure 8 of Wilson et al. (2021). The cooler TRAPPIST-1 has significantly
more high-energy emission from wavelengths < 2000 Å compared to the Sun in this scaling, which
approximately reflects the flux received in the liquid water zone, leading to different atmospheric
properties and spectroscopic signatures given the same initial atmospheric composition.
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Figure 1.3: The sub-intervals we are defining for high-energy emission are formed in different layers of a star and each have distinct impacts
on planets: X-ray (1 – 100 Å), extreme ultraviolet (EUV, 100 – 912 Å), far ultraviolet (FUV, 912 – 1700 Å), and near ultraviolet (NUV,
1700 – 3200 Å).
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Mihalas (1978) describes a simple set of assumptions required to construct a “classical model

atmosphere”: the atmosphere is time-steady and can be described by a series of homogeneous layers

(either plane-parallel slabs or spherical shells of finite thickness), momentum balance is achieved by

a combination of hydro-static equilibrium and steady flows, and the internal energy produced by

the star is transported out to space by a combination of radiation and convection (see Figures 1.7

and 1.8 for such one-dimensional model structures). Combining these physical assumptions with

an equation of state and some specific information about the opacity of the constituent atoms and

molecules of the star yields a spectrum that (more or less) matches the optical and infrared emission

of observed stars, as seen in Figure 1.4. Most of this emission is well-described by the Planck curve

of a perfectly emitting or absorbing sphere (Planck, 1901) with a radius approximately equal to the

star’s, and a particular temperature3 , the “effective temperature” Teff , with significant deviations

where atomic processes introduce additional lines or continua. The success of this simplicity is

admirable, but additional physical processes are required for model stellar atmospheres to be able

to match the data < 3200 Angstroms for cooler stars, as shown in Figure 1.5, taken from Figure 12

of Loyd et al. (2016), which shows a more recent model atmosphere code from Husser et al. (2013)

compared to data from GJ 832 (M1.5V).

Differential rotation and convection within the stellar interior churn magnetic fields that

emerge on the surface with structure and heterogeneity at many scales (Mestel, 1953; Spruit,

1999), transporting energy via non-thermal processes that begin to dominate above the photosphere

(Linsky, 1980). While the net effects of these spatially and temporally varying structures can be

approximated by a one-dimensional model representing some ill-defined average over the stellar disk

and some timescale, the physical processes require all three spatial dimensions and time-variable

components to accurately describe. A (perhaps deliberately) overwhelming display of the magnetic

fields emerging above the photosphere is shown in Figure 1.6, taken from Figure 16 of Wedemeyer-

Böhm et al. (2009).

3 this definition collapses many historical developments that arguably start with Stefan (1897)
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Figure 1.4: Figure 7-8 from Mihalas (1978), comparing the spectrum of α Leo (B7V) observed by
Philip et al. (1975) to a line-blanketed model atmosphere from Kurucz et al. (1974), where the
y-axis is 109 fλ as observed at Earth. The data are plotted as open circles connected by black lines
while the model is plotted as a smoother second black line beneath the data.

Figure 1.5: Figure 12 from Loyd et al. (2016), comparing a model atmosphere from Husser et al.
(2013) to data for GJ 832, a M1.5V star. The Husser et al. (2013) model does not include emission
from layers above the photosphere, and therefore does not produce the high-energy emission from
the chromosphere, transition region, and corona.
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Figure 1.6: The magnetic field structure and spatial flows emerging from the convection zone to the upper atmosphere of the quiet Sun,
not at all to scale, taken from Figure 16 of Wedemeyer-Böhm et al. (2009).
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1.1 Structure Above the Photosphere

The dominance of magnetic energy transport marks a shift in the stellar atmosphere, and the

definitions for upper layers are not strict, so we follow a schematic approach from Linsky (1980)

to delineate layers by significant structural changes. Above the photosphere is a layer called the

chromosphere, where the temperature begins to rise as the density falls and the plasma’s non-

radiative heating is opposed by radiatively cooling through the Lyman-α line at 1216 Å and the

Lyman-continuum < 912 Å. That radiative cooling is insufficient to keep up with the combination

of decreasing density and the non-thermal energy being dumped here and so the temperature

continues to rise with altitude.

As the plasma gets hotter, more hydrogen atoms get ionized and the effectiveness of the

Lyman-α and Lyman-continuum cooling fades. The only radiative cooling mechanisms left are

weak, mostly just emission lines where the strongest ones are resonance lines of species like C,

N, O, and Si. The abundance of these species’ nuclei is not high enough to maintain the same

temperature gradient as the chromosphere, so the next layer of the stellar atmosphere is a thin little

transition region where the temperature shoots up real high real fast until it gets hot enough for

free electrons to recombine with ionized hydrogen and this bound-free continuum opacity stabilizes

the temperature gradient along with a host of emission lines in the X-ray and EUV.

At these temperatures and densities, roughly a stellar radius above the photosphere, the

plasma can also balance the energy equation by launching particles out into space. In this region

the plasma density is extremely low and the pretense of spherical symmetry has completely fallen

apart as the plasma gets organized along magnetic field structures and forms a wispy halo or crown

extending from the photospheric surface, granting this region, the corona, its name.
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Figure 1.7: An illustrative view of the temperature structure of the Sun as a function of altitude
above the polar limb, taken from Figure 1-1 of Athay (1976).
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Figure 1.8: Figure 1 from Vernazza et al. (1973) showing the temperature-altitude structure from
a semi-empirical model atmosphere of the Sun, labelling different regions with where spectral lines
and continua are formed.
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1.2 Heating Mechanisms Above the Photosphere

This summary of heating from the photosphere is largely adapted from Cranmer et al. (2015).

The simplest form of non-radiative heating is present in the photosphere: acoustic waves carry-

ing mechanical energy associated with convection up to the photospheric surface. These waves

propagate to some extent upwards until they finally damp out, and the lower density of the chro-

mosphere is what allows the energy associated with these waves to become an appreciable fraction

of the energy budget. Observations of the Sun’s magnetic field at the photospheric surface show

bright points between cells or granules of plasma, so we can infer that magnetic energy is trans-

ported by convection from the solar interior to these flux tubes that pop up between the cells that

are moving around via convection. These magnetic field measurements are correlated to surface

heterogeneities: cool dark sunspots and hot plages and faculae. Observations of sunspots show

structure in CO absorption lines that suggest a cool component to the chromosphere that co-exists

with the hotter temperature inversion so the energy transport in this layer must be able to main-

tain this separation of temperature components (Ayres & Rabin, 1996). There are observational

limits to magnetic field measurements that prevent us from directly tracing their progress up to

the corona, but some measurements have confirmed the existence of Alfvén waves throughout the

chromosphere which must transport some of this energy. These waves display both time-steady

and turbulent behaviors but there are open questions as to whether they can damp out enough

at the appropriate altitudes to be responsible for the non-radiative heating throughout the upper

stellar atmosphere. Magnetic fields in the corona are more obvious because the magnetic pressure

greatly exceeds the gas pressure and plasma is organized into structures that trace the magnetic

field lines. The ambient temperature of the T > 106K corona also produces X-ray radiation, some

of which back-heats the layers below.



13

1.3 Temperature to Simplify the Relationship Between Structure and Spec-

trum

Although the altitudes and densities for all these different regions differ from star to star,

the physical dynamics of the plasma associated with these structural changes is fairly consistent

from a temperature perspective. This is useful, since the radiation of low-density material is mostly

explained by temperature, and so we can point to how different contributions to the spectrum are

associated with stuff at different temperatures and we don’t have to know everything about where

the material is spatially to talk about what it’s doing to produce emission. The following discussion

of emission processes is adapted from Rybicki & Lightman (1986). The contributions of atomic

processes in the upper stellar atmosphere to producing a photon can be grouped into 3 categories:

• Bound-Bound transitions: these are transitions of an electron from one energy state to

another while remaining bound to a nucleus. This emits a photon with a characteristic

energy/wavelength/frequency Eul =
hc
λul

= hνul when the transition is from a higher energy

“upper” state u to a “lower” energy state l corresponding to the difference in energies

between states and can take place by:

∗ spontaneous emission: where there is always some probability of this transition occur-

ring, translating to a frequency in an ensemble population, denoted by the Einstein A

coefficient Aul.

∗ stimulated emission: where the presence of the external electromagnetic field of a

passing photon makes the production of a similar photon more likely by modifying

the electron’s wave-function, and so the product BulJλ of the Einstein B coefficient

and ambient radiation intensity Jλ is an additional probability or frequency term for

the production of a photon.

∗ collisional de-excitation: a collision with another particle, most likely a free electron,

where the exchange of energies between particles is close enough to Eul to kick the

bound electron down from u to l.
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The energy of the interaction and resulting photon need not be exactly Eul but within some

interval depending on a combination of factors:

∗ the intrinsic energy uncertainty of the transition, which is inversely proportional to

the expected lifetime of an electron occupying u in its current environment

∗ the perturbation of the energy of the electronic state by collisions, which depends on

the density and velocity distribution

∗ the velocity distribution of particles Doppler shifting the emitted photon relative to

the central energy of the transition

• Free-bound continua: these transitions produce a photon when a free electron is captured

by a particle into a particular electronic state if the electron is at an appropriate energy such

that the sum of the electronic state energy and the energy of the emitted photon is equal

to the kinetic energy transferred during the collision. The discontinuity of the minimum

energy of the photon being the ionization energy relative to the occupied electronic state

and the decreasing probability of the free-bound transition at higher energies results in a

“recombination edge” ramp-shaped structure in the spectrum like the H I 912 Å visible in

the spectrum of the Sun from 600 – 912 Å in Figure 1.2. The shape of this edge depends

on the velocity distribution of the recombining species relative to the free electrons.

• Free-free continua: the acceleration of charged particles (typically a free electron) in the

presence of an electromagnetic field (typically from the presence of an ion) results in the

emission or absorption of photons depending on the energy exchanged. This depends on the

plasma’s ambient electromagnetic field and the velocity distributions of ions and electrons.

• Two-photon continua: An infrequent process by which a bound-bound transition from u to

l is extremely unlikely but occurs by dropping down from u to an intermediate state and

producing one photon, and then in quick succession dropping down to l and producing a

second photon.
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In the upper stellar atmosphere, particularly above the lower chromosphere, the densities

are low enough that it is typically safe to assume that all photons produced either safely escape

without interacting with any particles if they are emitted up and out of the stellar atmosphere, or are

absorbed by the denser optically thick plasma if emitted down towards the stellar surface. If all the

baryonic particles are colliding with each other often enough to share a common thermal Maxwellian

velocity distribution with a characteristic temperature T , the particles can be considered to be in

local thermodynamic equilibrium “LTE” which simplifies many of the calculations required to

determine the shape of spectral lines and recombination continua. In this case, the populations

of different ions, electronic states, and free electrons all become simpler functions of density and

temperature because all electronic states and ionization stages are produced by collisional excitation

via free electrons. The combination of these two approximations is referred to as the “coronal” or

“nebular” assumption for the two major astrophysical contexts in which these approximations are

most valid. Under these conditions, the populations of electronic states is given by,

nu

nl
=

gu
gl

exp

(
−Eu − El

kBT

)
(1.1)

where ni refers to the number density of state i (either u or l), gi refers to the statistical degeneracy

of the state (how many valid electronic configurations correspond to the same energy level), kB is

the Boltzmann constant, and Eu−El
kBT

is the Boltzmann factor and its inverse exponential represents

the probability of a free electron colliding with the correct kinetic energy to excite a bound electron

from l to u. Similarly, the ion populations are well-described by the Saha ionization equation (Saha,

1920, 1921),

nj+1ne

nj
=

2Uj+1

Uj

(
2πmekBT

h2

)3/2

exp

(
−Xj, j+1

kBT

)
(1.2)

where nj represents the number density of an ionization stage j, Uj(T ) is the partition function of

j, Xj, j+1 is the ionization energy from j to j + 1, and e−
Xj, j+1

kT is the probability of a free electron

colliding with the appropriate Boltzmann factor just like in Equation 1.1.
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CHIANTI is a database of atomic data that was collated for the analysis of optically thin

plasma under the coronal approximation, where the ionization equilibrium populations incorporate

effects beyond the Saha equation (Dere et al., 1997; Del Zanna et al., 2021). Given an assumed

electron density and a range of temperatures, CHIANTI can calculate contributions to the spectrum

at a wavelength λ from a parcel of plasma with an electron density ne and a temperature T from

different processes for a given ion. Figure 1.9 shows the contribution functions of a set of strong

emission lines and some X-ray spectral bins as a function of temperature. Taking a 2-dimensional

view of the contribution functions for H I, the top two panels of Figure 1.10 show a heat-map where

the color of a pixel corresponds to the value of the contribution function at a wavelength λ (x-axis)

from plasma at a temperature T (y-axis). The top panel displays contributions from bound-bound

transitions of H I (the discrete vertical lines corresponding to different electronic transitions), free-

bound continua (the swath of higher intensity near 912 Å and temperatures 104 < T < 105K, the

ionization edge of neutral hydrogen referenced above and apparent in Figure 1.2), and the free-free

continuum (the swath of high intensity at high temperatures and short wavelengths). The bottom

panel shows the flux density of the spectrum produced by weighting this contribution function for

a pure neutral hydrogen gas by a differential emission measure model of the structure of the Sun’s

upper atmosphere (discussed further in Chapter 2). Even though the free-free continuum has a high

contribution function comparable to the free-bound continuum, the Sun’s atmosphere has much

less material at 107K than 105K and so the observed emission from the free-bound continuum is

higher.

The use of CHIANTI to produce this 2D view of how plasma at a particular temperature

contributes to the observed intensity at a particular wavelength will be used frequently in this dis-

sertation, while the expressions for and physical meaning of the contribution function is elaborated

upon in Chapter 2.
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Figure 1.9: A sample of the contribution functions Gul(T ) and Gλ(T ) discussed further in Sections §2.3 and §2.4. The solid lines show
the summed contribution functions for some of the strongest transitions of the labeled ion observable by Hubble with STIS and COS. The
dotted lines show the summed contribution functions Gλ(T ) for typical wavelength bins in a Chandra spectrum of an M dwarf, adding up
the Gul(T ) functions of all emission lines that fall within the wavelength bin.
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1.4 Time Variability of High-Energy Emission

Now we relax the assumption of time-steadiness and look beyond the spectrum as it exists in

a single moment in time. The links between magnetism, convection, interior structure, and angular

momentum result in a combination of variability timescales for the non-radiative heating and the

consequent emission.

• Impulsive – Flares and coronal mass ejections are sudden changes that can be as brief

as seconds or sustained for longer by some superposition of these events. Figure 1.11

shows one proposed mechanism for flares: a magnetic reconnection event that accelerates

a beam of electrons down towards the chromosphere while Figure 1.12, taken from Figure

1 of Mendoza et al. (2022), shows a lightcurve that illustrates the changes in brightness

associated with flares.

• Rotation period – The presence of surface features like starspots results in variation associ-

ated with these features rotating in and out of view, leading to the sinusoidal behavior that

the flares sit on top of in Figure 1.12. Depending on the stellar surface area covered by these

features, more or less high-energy emission will be emitted in a particular direction because

of the spectral distinctions between any surface feature and the “typical” photosphere. It

is important to note that the combination of spot and faculae fractions for cool stars like

TRAPPIST-1 can be > 60% (Rackham et al., 2018) which sort of breaks the assumption

of these features as minor perturbations to the mean behavior of the photosphere.

• Spot evolution – Surface features do not persist indefinitely but emerge, grow, and fade

over a timescale that depends on their position, size, and the stellar mass. Differential

rotation as a function of latitude is an example of one factor in the destruction of a spot.

• Activity cycles – The Sun displays an 11 years activity cycle during which the spot fraction,

typical spot latitude, high-energy emission, and flare frequency all vary together (Maunder,

1904), some aspects of which can be seen in “butterfly diagrams” as shown in Figure 1.13.
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Figure 1.10: The top panel shows a 2D view of the contribution function of emission from neutral
hydrogen, where the y-axis corresponds to temperature, the x-axis corresponds to wavelength, and
the color scale corresponds to the value of the contribution function according to the color-bar on
the right side of the plot. The color scale is linear between cutoff values chosen to emphasize both
the lines and continua. The bottom panel shows the spectrum produced by a plasma with this
contribution function when weighted by the temperature and density structure of the Sun’s upper
atmosphere, de-emphasizing the contribution from free-free emission λ < 300Å because there is less
material at T > 106K.
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Wilson (1968) measured the Ca II H and K emission lines of multiple solar-type stars over

decades and found that they also showed activity cycles via the periodic variation of the

strength of these chromospheric lines.

• Maunder minima – While there is a fairly smooth continuous behavior within the Sun’s

activity cycle, these cycles are not identical to each other. Spoerer & Maunder (1890)

found that 1645 to 1716 showed an unusually low activity level, a behavior now known as a

Maunder minimum, with very few sunspots observed at all. Baum et al. (2022) identified

a possibly similar minimum for HD 166620, a K2V star with a 16 year activity cycle that

has appeared to have entered a very low and flat activity behavior some time around 2004.

• Rotation/Activity/Age evolution – Skumanich (1972) put together multiple studies of four

open clusters to make claim that stellar lithium abundance, rotation period, Ca II H and

K emission, all followed the same t−2 power law decay as a function of age (see Figure

1.14). This functional form was later modified to a broken power-law relationship, where

the activity level in a particular indicator remains constant at a saturation level until some

break-point when it begins to decline. Some recent examples in the X-ray and Hα are

Wright et al. (2011) and Newton et al. (2016) respectively. While the value of the slope

has varied between studies and a dependence on stellar mass has been introduced, the core

idea that these properties have closely related evolutionary behavior has held up over the

last fifty years.

• Stochastic – I am treating this as a catch-all for the wiggles in time-variability of various

spectral features that cannot be attributed to measurement uncertainty but have no clearly

identifiable periodicity or structure and elaborate on this type of variability in Chapter 3.
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Figure 1.11: Figure 1 from Cargill & Priest (1983) showing a sketch of post-flare loops after a
reconnection event. The shaded region shows the distribution of heated material that is falling
down as inferred from time-resolved Hα observations of flares.

Figure 1.12: Figure 1 from Mendoza et al. (2022) showing two days of Kepler observations of the
flare star GJ 1243. Many of the flares show a similar shape overall, with variation in both amplitude
and duration, but there are also more complicated superpositions of flares and individual flares can
deviation from the default shape. The sinusoidal behavior is from the rotation of surface features
changing the overall flux received from the face of the star in view.
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Figure 1.13: Obtained from http://solarcyclescience.com/solarcycle.html. The top panel
shows a color-coded scale for where sunspots occurred as a function of latitude and time while the
bottom panel collapses the position information. There is a periodic rise and fall of total sunspot
area that coincides with sunspots occurring closer to the equator over the course of the cycle.

http://solarcyclescience.com/solarcycle.html
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Figure 1.14: Figure 1 from Skumanich (1972) showing multiple properties for four clusters following
a similar trend with age.
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1.5 Impact of High-Energy Radiation on a Planetary Atmosphere

When high-energy photons come into contact with the atmosphere of a planet, they can

produce photo-electrons by ionizing atomic or molecular species, photodissociate molecules, or

excite electronic states. Any of these interactions donates the photon’s energy to the system and can

trigger cascading interactions that distribute the energy; for example the free photo-electrons can

collide with enough particles to thermalize the system and increase the temperature in the vicinity

of their production or recombine with ions to produce photons at various energies depending on

which species they come into contact with. At the highest energies and highest altitudes of the

atmosphere however, the donated energy can enable the escape of particles, particularly the lightest

elements, by providing enough kinetic energy to overcome the gravitational energy binding the

particle to the planet. Which interactions take place depends on the incident stellar radiation at a

particular altitude, and the combination of absorption, emission, and chemical reaction processes of

the various species present at that altitude. A net consequence of these effects is that the deeper a

photon manages to get into the planetary atmosphere, the more likely it is to affect the temperature

structure and chemical network than drive escape (Youngblood et al., 2019).

X-ray photons heat gas by ionizing metals, but the gas heated to 106 K also cools by emission

lines produced by the same metals (typically carbon and oxygen), resulting in a temperature balance

determined by the abundance and ionization of these metals (Owen & Jackson, 2012). EUV photons

are predominantly absorbed by ionizing hydrogen and helium while they are the most abundant

species present at a particular altitude, and in radiative equilibrium a temperature balance is

achieved between the ionization and recombination of hydrogen and helium. In thinner and heavier

atmospheres dominated by other molecules like N2 and CH4 (Titan) or CO2 (Mars) however, the

lack of hydrogen allows EUV flux to go deeper into the thermosphere and photodissociate these

molecules to heat the atmosphere, drive their escape, and affect organic chemistry(Lavvas et al.,

2011; Amerstorfer et al., 2017). Simplified model atmospheres in radiative and chemical equilibrium

still need high-resolution absorption cross-sections and EUV spectra to describe these interactions.
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Radiatively driven atmospheric escape of a particular species can take place through a ballistic

process like Jeans escape, or a hydrodynamic pressure-driven wind. The Jeans parameter, which

compares the thermal kinetic energy to the escape velocity, is often used to determine which category

of loss mechanisms dominates,

λJ =
GMpm

kBTexorexo
(1.3)

where λJ is the Jeans parameter, Mp is the mass of the planet, m is the mass of a particle in the

exosphere, Texo is the temperature of the exobase, and rexo is the radial coordinate of the particle

within the exosphere. Jeans (1904) first described this thermal process whereby the kinetic motion

of a particle within a gas of temperature T has some probability of moving fast enough in the

right direction to escape the gravitational potential. A higher Jeans parameter indicates the Jeans

escape mechanism is more dominant, so the escape probability is limited to a few particles at the

upper-end of the velocity distribution making their way out. At lower Jeans parameter values, the

hydrodynamic regime, there are enough particles moving together that they constitute a pressurized

wind described by fluid equations. In both cases, the solution depends on the altitudes at which

photons get absorbed.

Watson et al. (1981) introduced a framework where all the radiative heating by EUV flux

is assumed to take place within some thin slice of the atmosphere and defined an effective radius

for this altitude beyond the exobase, simplifying the problem significantly and descendants of this

approach like Erkaev et al. (2007) and Kubyshkina et al. (2018) also defined a net mass-loss efficiency

to collapse all the calculations of escape probability into a single factor, yielding a mass-loss rate

Ṁ = FXUV
πηR2

eff

K

Rp

GMpm
(1.4)

where FXUV integrates the incident flux density at the planet’s position from 0 – 912 Å4 , η is

the mass-loss efficiency, Reff is the effective radius, K is a factor from Erkaev et al. (2007) to account

4 individual authors set slightly different bounds for this “XUV” = X-ray + EUV regime
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for Roche-lobe overflow effects, Mp and Rp are the mass and radius of the planet respectively, and

m is the mass of the particle species being considered, typically neutral hydrogen. This type of

expression is useful for comparison between systems by translating the more abstract quantity of

integrated XUV flux to a mass-loss rate, but the tunable parameters make it difficult to interpret

any particular value unless there are external constraints like observations of escape and/or the

atmospheric composition via transmission spectroscopy.

Deeper into the atmosphere, as photons are spent on chemistry rather than escape, many

molecular species relevant to habitability and biosignature detection are dissociated by high-energy

photons, some of which are shown with their photo-dissociation cross-sections as a function of

wavelength in Figure 1.15, taken from Figure 8 of Loyd et al. (2016). Since ozone can be abioti-

cally produced depending on the stellar irradiation, its use as a biosignature must be contingent

on the presence/absence of other species like CO, CO2, and CH4 (Meadows, 2017). Looking at

habitability itself instead of biosignature detection, the wavelength dependence of a photosynthe-

sising species has to complement the received radiation in a way that prevents overheating to the

point of denaturing proteins (Shields et al., 2016). A number of proposed pathways for prebiotic

chemistry leading to abiogenesis require NUV flux to reach the surface, and so a planet in the liquid

water zone may not be exposed to enough NUV flux if the host star’s spectrum is too faint in that

regime (Ranjan et al., 2017). Richey-Yowell et al. (2022) positions K dwarfs as the most promis-

ing target for habitable planet discoveries because they benefit from the small star advantages for

exoplanet discovery and characterization without risking the complete loss of an atmosphere that

may accompany the higher XUV fluxes of M dwarfs.
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Figure 1.15: Figure 8 from Loyd et al. (2016) showing the photo-dissociation cross-sections of
significant molecules in the top panel compared to the very different SEDs of the Sun and ϵ Eridani
in the bottom panel.
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1.6 Dissertation Structure

The chapters in this dissertation each address the characterization of a particular aspect of

high-energy emission. Chapters 2 and 3 are published work while Chapter 4 is close to submission.

Chapter 5 is a first foray into a much longer project that will build on the foundation laid by this

dissertation, and concludes the dissertation by considering avenues for further investigation.

1.6.1 Chapter 2: Inferring the Extreme Ultraviolet Emission of Low-Mass Dwarfs

The EUV interval is the most defined by observational constraints, and any analysis of the

high-energy irradiation of a planetary atmosphere needs to come up with a way to deal with those

observational constraints. While targets with observable EUV flux exist, there is no currently

operational facility observing between 150 and 912 Å. Inferring the spectra of exoplanet hosts in

this regime is critical to studying the evolution of planetary atmospheres because the EUV heats the

top of the thermosphere and drives atmospheric escape. In Chapter 2 I present my implementation

of the differential emission measure technique to reconstruct the EUV spectra of cool dwarfs. I

characterize this implementation’s accuracy and precision by applying it to the Sun and AU Mic

and then apply it to three fainter M dwarfs: GJ 832, Barnard’s Star, and TRAPPIST-1.

1.6.2 Chapter 3: Stochastic Chromospheric Variability Across Stellar Rotation

Period

In Chapter 3 I analyze the ultraviolet and optical spectra of 9 M dwarfs across a range of

rotation periods to determine whether they showed stochastic intrinsic variability distinguishable

from flares. The ultraviolet spectra were observed during the Far Ultraviolet M Dwarf Evolution

Survey Hubble Space Telescope program using the Space Telescope Imaging Spectrograph and the

optical observations were taken from the Apache Point Observatory 3.5-meter telescope using the

Dual Imaging Spectrograph and from the Gemini South Observatory using the Gemini Multi-Object

Spectrograph. We used the optical spectra to measure multiple chromospheric lines: the Balmer
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series from Hα to H10 and the Ca II H and K lines. We find that after excising flares, these lines vary

on the order of 1− 20% at minute-cadence over the course of an hour. The absolute amplitude of

variability was greater for the faster rotating M dwarfs in our sample. Among the 5 stars for which

we measured the weaker Balmer lines, we found a tentative trend that the fractional amplitude

of the variability increases for higher order Balmer lines. Similarly, we measured the integrated

flux of multiple ultraviolet emission features formed in the transition region: the N V, Si IV and

C IV resonance line doublets, and the C II and He II multiplets. Unfortunately, the signal-to-noise

(S/N) ratio of the UV data was too low for us to detect non-flare variability at the same scale

and time cadence as the optical. We consider multiple mechanisms for the observed stochastic

variability, propose both observational and theoretical avenues of investigation to determine the

physical causes of intrinsic variability in the chromospheres of M dwarfs and advocate for similar

analyses of higher mass stars.

1.6.3 Chapter 4: The High-Energy Emission of A Young Sun-like Star

Since the high-energy emission is strongest during the saturation stage of rotation-activity-age

evolution, and the initial conditions for magnetic activity and high-energy emission seem to persist

for a long period of time, it is important to anchor our study of the rotation-age-activity evolution

by empirically measuring the properties of young stars. V1298 Tau is a young 23 Myr old 1.1

M⊙ T Tauri star with four known transiting exoplanets amenable to atmospheric characterization

with current-generation instruments capable of transmission spectroscopy. In Chapter 4, I piece

together observations from the NICER X-ray telescope, the Space Telescope Imaging Spectrograph

and Cosmic Origins Spectrograph instruments aboard Hubble Space Telescope, and empirically

informed models to create a panchromatic spectrum data product for V1298 Tau spanning 1 –

105 Å. I use the data product for this young Solar analog to characterize the long-term evolution

of high-energy radiation from solar-mass stars and compare the lifetime cumulative high-energy

irradiation of the V1298 Tau planets to other exoplanets orbiting solar mass stars.
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1.6.4 Chapter 5: The Evolution of High-Energy Emission for M Dwarfs

Shifting from the individual to the collective, I describe the collation of a sample of 115 GKM

stars with FUV and X-ray data that will allow me to attempt to fit differential emission measure

models. I select nine M dwarfs from this larger sample to explore trends in their atmospheric

structure as a function of rotation period, then use five similarly massive M dwarfs to interpolate

the evolution of their EUV spectra over time, and describe an approach for an interpolation scheme

across the entire 115 GKM dwarf sample.

1.6.5 Chapter 6: Future Work

The dissertation concludes by exploring future research that builds on the methods, datasets,

and questions that emerge from the work discussed here.



Chapter 2

Inferring the Extreme Ultraviolet Emission of Low-Mass Dwarfs

2.1 Preface

This chapter is a lightly edited reproduction of work published in Duvvuri et al. (2021), where

the majority of the analysis was conducted by myself with advice and input from the paper’s co-

authors, using data collected by the MUSCLES (France et al., 2016) and MegaMUSCLES (Wilson

et al., 2021) Hubble observing programs. The methods described in this paper were updated in

later work for Chapters 4 and 5.

2.2 Introduction

The discovery and characterization of exoplanets has been accompanied by an increased in-

terest in the properties of M dwarf stars as potential hosts for habitable planets. M dwarf planetary

systems are abundant, not only because M dwarfs are ≳ 70% of all stars in the Milky Way (Henry

et al., 2006; Winters et al., 2015), but also because M dwarfs also have an intrinsically high planet

occurrence rate compared to their hotter and more massive siblings (Dressing & Charbonneau,

2015). Moreover, these systems’ physical properties benefit their detection and characterization:

once for their abundance, twice for the large transit depths of terrestrial planets projected against

small stellar radii, and thrice for the short orbital periods of planets with Earth-comparable instel-

lation. The Transiting Exoplanet Survey Satellite (TESS ) is predicted to find 1300 planets orbiting

M dwarfs (Ballard, 2019), roughly 10 of which will be terrestrial worlds suitable for atmospheric

characterization with the James Webb Space Telescope (Barclay et al., 2018).
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These M dwarf planetary systems provide a useful sample for study, but some caution that

the “habitability” potential of these systems may be poor or non-existent (Scalo et al., 2007; Shields

et al., 2016). An M dwarf is a tempestuous host, prone to flaring (Hawley, 1993; Kowalski et al.,

2009; Loyd et al., 2018a,b), particularly when young, where a mid-to-late M dwarf’s definition of

“young” lasts for billions of years (West et al., 2008). Compared to the Sun, M dwarfs emit a

much higher fraction of their bolometric flux in the ultraviolet regime (West et al., 2004; Jones &

West, 2016). The extreme ultraviolet region (EUV, defined here as 100 - 912 Å) is particularly

responsible for heating and ionizing the upper atmosphere of planets, dumping energy into the

system and potentially driving atmospheric escape (Sekiya et al., 1980; Sanz-Forcada et al., 2010;

Owen & Jackson, 2012; Tian & Ida, 2015; Zahnle & Catling, 2017, e.g.). Any attempt to study

an exoplanet atmosphere’s evolution must be informed by the radiation field it is subject to over

the entirety of its lifetime (Penz & Micela, 2008; Claire et al., 2012; Peacock et al., 2020). But

directly measuring the EUV flux is impeded by the same mechanism that makes it important for

planet atmospheres: its interactions with atomic hydrogen and helium mean that the interstellar

medium blocks some of the flux from this spectral region for most stars (Cox & Reynolds, 1987;

France et al., 2019). This problem is exacerbated for M dwarfs since the closest M dwarfs with

observable EUV flux either have noisy data from the Extreme Ultraviolet Explorer (EUVE ) or no

data at all (Craig et al., 1997; Linsky et al., 2014; France et al., 2016), and there is no presently

available dedicated EUV observatory to remedy the situation (France et al., 2019).

In the absence of direct observation, we must turn to theoretical inference. Peacock et al.

(2019a) and Peacock et al. (2019b) use the PHOENIX 1D stellar atmosphere code (Hauschildt, 1993;

Hauschildt & Baron, 2006; Baron & Hauschildt, 2007) to model the non-LTE radiative transfer

through the chromospheres and transition regions of M dwarfs but do not include a corona. Fontenla

et al. (2016) adjusts the temperature and pressure profiles of a 1D stellar atmosphere until the model

agrees with the available spectral data, but this takes time to do well and has to be specific to each

star. These semi-empirical methods require quasi-simultaneous observations from optical to X-ray

wavelengths, a reliable atomic database, and laborious fine-tuning to be successful.
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Taking a more empirical approach, Linsky et al. (2014) identifies correlations between Lyman-

α and EUV flux, while Youngblood et al. (2017) identifies correlations between far-ultraviolet (FUV,

912 to 1700 Å) lines and the Lyman-α flux, chaining these correlations to the Linsky et al. (2014)

relations to predict the EUV flux in turn. A drawback of this method is that the uncertainty on

each correlation introduces scatter into the predicted EUV flux while the sample is insufficiently

large to investigate the effects of both effective temperature Teff and stellar activity. France et al.

(2018) correlates certain FUV lines with the EUV flux between 90 and 360 Å directly, leading to

much less scatter in the predicted flux and accounting for both Teff and stellar activity in their

sample, but this still leaves us with ∼ 600 Å of EUV flux to estimate.

These limitations of existing methods lead us to use the differential emission measure (DEM),

a technique for EUV spectral synthesis adapted from an earlier technique called the emission

measure distribution. Pottasch (1963) defined the emission measure distribution ≡ nO
nH

∫
n2
e ds as

the integral of the electron number density squared (n2
e) along the line of sight s weighted by

the relative abundance of oxygen to hydrogen (nO
nH

), to describe the plasma environment of the

upper layers of the Sun’s atmosphere. This assumed that the Sun’s upper atmosphere could be

approximated as a series of spherical shells of increasing temperature, and all emission lines were

produced by collisional excitation and spontaneous radiative decay within restricted spatial regions.

As this picture of spherical symmetry broke down, the differential emission measure was

developed to keep the same 1-dimensional simplification to temperature but account for the spatial

ambiguity of a photon’s origin (see Mariska 1992 for a detailed overview of the method’s history).

The differential emission measure uses a similar integral expression over a limited temperature range

to estimate the density and temperature environment of ions emitting an observed line, allowing

one to then use those environmental conditions to estimate the flux from emission lines that cannot

be observed but should be emitted by the same parcel of plasma. When UV detector technology

was in its infancy and instruments had poor flux calibration, differing by factors of ≳ 2 in different

wavelength regimes, the DEM could be used to estimate the subset of solar emission line fluxes

with poor data from other lines that were thought to have more accurate and precise data (Warren
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et al., 1998). While the state of solar EUV data has improved, the opacity of the interstellar

medium and low sensitivities of previous and current EUV-capable observatories present a similar

spectral synthesis problem for distant stars. Variations of the DEM have been applied to other

stars like AU Mic by Pagano et al. (2000), α Centauri A and B by Ayres (2014), and HD 209458 by

Louden et al. (2017) to infer the EUV flux from these stars. Sanz-Forcada et al. (2011) developed

scaling relations between X-ray and EUV fluxes by applying the DEM method to a large sample of

stars, but the paper’s sample had few M dwarfs and lacked enough UV data to constrain the lower

temperature end of the DEM for most of their stars.

In this chapter we characterize our uncertainties in fitting the DEM and propagate them to

our predictions of the EUV flux from M dwarfs. Our physical assumptions and setup are similar to

the methods of Warren et al. (1998) to model the EUV irradiance of the Sun, described in Section

§2.3. The specifics of our implementation are described in Section §2.4 and we test our method

against data from the Sun in Section §2.5. In Section §2.6 we apply our method to AU Mic, a

∼ 10−20 Myr old M1 star at a distance of 9.979 pc (MacGregor et al., 2013; Plavchan et al., 2020).

We compare our DEMs of the Sun and AU Mic to previous DEMs published in the literature and

available in the CHIANTI atomic database (Dere et al., 1997; Del Zanna et al., 2015) in Section §2.7.

We compare our predicted spectra for the Sun and AUMic to data in detail in Section §2.8 and

in Section §2.9 we apply our method to different case studies: GJ 832, a planet-hosting M2 V that

has predicted EUV fluxes from Linsky et al. (2014) and semi-empirical models from both Fontenla

et al. (2016) and Peacock et al. (2019b); Barnard’s Star, a ∼ 10 Gyr old M4 with a candidate

planet (Ribas et al., 2018), with contemporaneous X-ray and FUV data during quiescence and a

flare (France et al., 2020b); and TRAPPIST-1, an ultracool dwarf which hosts at least seven planets

(Gillon et al., 2017) and tests our ability to fit the DEM in an extremely low S/N regime (Wilson

et al., 2021). Our work shows that with Hubble Space Telescope (Hubble or HST ) measurements

of a few FUV emission line fluxes and a coarse X-ray spectrum from Chandra or XMM-Newton,

we can estimate the EUV spectrum with meaningful uncertainties for any star whose EUV flux is

dominated by emission lines from the optically thin regions of the star’s upper atmosphere.
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2.3 Differential Emission Measure

The following description of the DEM is adapted from Warren et al. (1998). Many other

formulations of the DEM and similar techniques exist, and Mariska (1992) explains them in more

detail. Given an optically thin plasma in a collisionally dominated time-independent equilibrium

with negligible collisional de-excitation, the radiance of a wavelength transition is given by

Iul =
1

4π

∫

line−of−sight
nuAul

hc

λul
ds [erg s−1 cm−2 sr−1], (2.1)

where ul signifies a transition from an upper state u to a lower state l, Aul is the Einstein rate

coefficient of the transition, λul is the wavelength of the transition, h is Planck’s constant, and c is

the speed of light in a vacuum. This quantity is not a spectral density because it captures all of the

emission from the spontaneous radiative decay without describing a line profile. We can rewrite

this integral as

Iul =

∫

T
Gul(T ) ·Ψ(T ) dT [erg s−1 cm−2 sr−1], (2.2)

where

Gul(T ) =
nu

nion

nion

nelement

nelement

nH

1

ne

Aulhc

4πλul
[erg s−1 cm3 sr−1] (2.3)

is the transition’s emissivity contribution function and the differential emission measure is

Ψ(T ) = nenH
ds

dT
[cm−5K−1]. (2.4)

Gul(T ), the emissivity contribution function, describes the volume integrated power of a parcel of

gas as a function of temperature. The function can be computed with a few ingredients: a stellar

abundance to give us the ratio of the number density of any particular element’s atoms to the

number density of hydrogen atoms nelement
nH

, the assumption of collisionally dominated equilibrium
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(i.e. coronal equilibrium) and CHIANTI to give us the population fraction of any particular upper

state of an ion nu
nion

and the population fraction of each ion per element nion
nelement

, an assumed local

density ne, and laboratory measurements or theoretical calculations of the atomic data Aul and λul.

We follow Del Zanna et al. (2002) in using a constant electron pressure Pe to define ne(T ) =
Pe
kBT ,

where kB is the Boltzmann constant. This single pressure will not be applicable to the entire

temperature domain, but errors in the G(T ) function can be partially compensated for by the Ψ(T )

function as long as the errors are largely a function of temperature and do not vary significantly

across lines formed at the same temperature.

The differential emission measure, Ψ(T ), describes the density and temperature structure

along the line of sight, common to all transitions we observe from the chromosphere, transition

region, and corona. Under our assumptions that the ions are predominantly populated by collisions

and depopulated by spontaneous emission, the flux observed is proportional to the collision rate.

The differential emission measure resembles a reaction rate, ne ·nH, weighted by ds
dT which measures

how much of the path length s is at a temperature T . In emission measure studies of other stars,

a volume emission measure is commonly employed that predicts a flux and includes factors of

the stellar radius and solid angle filling factor of the emitting plasma. We adopt the line-of-sight

approach to be able to compare the DEMs of very different stars to each other and to solar surface

features.

For each emission line there is a formation temperature Tf that maximizes the product

Gul(T ) ·Ψ(T ), and since the emissivity function Gul(T ) tends to be very narrowly peaked, the bulk

of of the observed line flux is emitted by plasma at ≈ Tf . By measuring the observed line intensities

of transitions with a known Gul(T ), we can constrain the value of Ψ(T ) within the vicinity of the

lines’ formation temperatures Tf . Amassing a list of observable transitions over a sufficiently wide

range of Tf allows us to fit for the parameters of an assumed functional form describing Ψ(T ) across

the temperature domain of the upper stellar atmosphere. With Ψ(T ) in hand and atomic data to

construct Gul(T ) for the transitions we have not observed but seek to estimate, we can reconstruct

the optically thin emission of the chromosphere, transition region, and corona. With the exception
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of the recombination continua addressed in Section §2.5.3, optically thin emission lines contribute

the majority of the EUV flux from an M dwarf.

2.4 Implementation

We use CHIANTI 8.0.7 (Dere et al., 1997; Del Zanna et al., 2015) to calculate theGul(T ) func-

tions for all the transitions in the database assuming the elements have a solar coronal abundance

(Schmelz et al., 2012). We calculate these emissivity contribution functions across a temperature

range from 104 to 108 K for multiple assumed electron pressures ranging from Pe = 1012 to 1025

kB cm−3 K. The majority of coronal emission lines are not strongly sensitive to density, but we

test the variation in the predicted flux as a function of the Pe used to calculate Gul(T ) in Section

§2.5.1. We assume that Ψ(T ) is well-described by

log10Ψ(T ) =

5∑

n=0

cnTn

(
log10 T − 6

2

)
(2.5)

where Tn(x) are the Chebyshev polynomials of the first kind, and their argument is shifted and

scaled to transform the domain to the interval [−1, 1]. We use the Chebyshev polynomials following

the previous work of Louden et al. (2017) and because they form an orthonormal basis. Given the

coefficients cn, and the list of emissivity contribution functions Gul(T ), we can generate a full

spectrum by summing the contribution functions of all emission lines within a wavelength bin

centered on a wavelength λ with a width ∆λ to get a wavelength-specific contribution function

Gλ(T ) =
∑

transitions

Gul(T ) if [|λul − λ| ≤ ∆λ] . (2.6)

We then scale the temperature integral of Equation 2.2 to predict the observed flux density in each

wavelength bin, assuming the bin is wide enough to contain the entire line profile

Fλ =
π

∆λ

(
R2

⋆

d2

)∫

T
Gλ(T ) ·Ψ(T ) dT [erg s−1 cm−2 Å]. (2.7)
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Figure 2.1: The left panel is a heatmap where the shading represents the value of the emissivity
contribution function Gλ(T ) as a function of temperature along the horizontal axis and as a function
of wavelength along the vertical axis. This matrix is generated from the CHIANTI atomic database
by specifying the atomic abundances and the electron density as a function of temperature ne(T ).
The right panel multiplies the Gλ(T ) matrix by the DEM, Ψ(T ), of the Sun shown as a blue line
in Figure 2.6. The colorbars of both panels are cut off at the 60th and 95th percentiles to highlight
the strongest lines. While the Gλ(T ) matrix shows the atomic data, the right panel represents
the temperature integrand for which lines are actually emitted by stars. EUV lines are largely
formed at temperatures between 105 and 106.5 K, requiring FUV measurements to constrain the
low temperature end and X-ray measurements and/or coronal FUV semi-forbidden transitions of
highly ionized iron to constrain the high temperature end.
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9.7 – 11.8 Å
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Figure 2.2: A sample of the emissivity functions Gul(T ) and Gλ(T ) described in Sections §2.3 and §2.4. The solid lines show the summed
emissivity functions for some of the strongest transitions of the labeled ion observable by Hubble with STIS and COS. The dotted lines
show the summed emissivity functions Gλ(T ) for typical wavelength bins in a Chandra spectrum of an M dwarf, adding up the Gul(T )
functions of all emission lines that fall within the wavelength bin. The ion emissivities are constructed by adding together the emissivities
of all lines emitted by that ion, for example both lines of the N V 1239/1243 doublet. The X-ray wavelength bin emissivities are constructed
similarly by adding together the emissivities of lines from multiple ions that are emitted at similar wavelengths. This lets us use coarser
resolution X-ray spectra for fainter stars but weakens the temperature specificity of individual flux measurements. Note the contribution
function for a semi-forbidden transition of Fe XXI at 1354 Å with a formation temperature at ∼ 107 K. Its emissivity peaks at a factor of
103 times less than other typically observable FUV lines, making it unobservable for most quiescent M dwarfs. Observing or obtaining an
upper limit for the flux of this line provides an additional constraint on Ψ(T ) at high temperatures.
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The scaling factor assumes that the solid angle emitting the flux is ≈ π
(
R⋆
d

)2
steradians,

which is approximate because the corona extends beyond the stellar radius. We create a matrix

of Gλ(T ) with the wavelength axis at a constant resolving power R = λ
∆λ = 500 between 1 and

2000 Å, and the temperature axis as 2000 logarithmically spaced points between 104 and 108 K

(see Figure 2.1). Fitting for the coefficients cn and combining the Ψ(T ) model with this matrix

allows us to generate a high-resolution spectrum, but since the DEM makes no prescription for line

shape, the line profiles are all Dirac-δ functions, which is why we then divide by the wavelength

bin width ∆λ to get the observed flux density. Comparing this model to a real stellar spectrum

is only reasonable at a low enough resolution such that the entirety of the line profile is contained

within each resolution element. The R = ∆λ
λ = 500 Gλ(T ) matrix can be downsampled to whatever

resolution is required to contain the line widths of any spectral data used for comparison.

By combining either the Gul(T ) functions or the Gλ(T ) matrix with the polynomial coeffi-

cients cn, we have a generative model for a list of integrated line fluxes or a low-resolution spectrum

respectively. To get a usefully constrained model, we need data that covers the full temperature

domain. Figure 2.2 shows the Gλ(T ) functions for the wavelength bins of a typical Chandra spec-

trum, where each bin peaks at a slightly different temperature but spans 106 and 107.5 K, and the

Gul(T ) functions for the strongest optically thin FUV lines accessible in a Space Telescope Imaging

Spectrograph (STIS) and Cosmic Origins Spectrograph (COS) spectrum from Hubble. There is sig-

nificant overlap in the contribution functions of these transitions near 105 K, but they spread out

far enough to constrain Ψ(T ) between 104 and 105.5 K. Each line flux measurement can be used to

derive an average value of Ψ(T ) near the formation temperature Tf of the transition

Ψ(Tf ) =
Fline

π
(
R2

⋆
d2

) ∫
T Gul(T )dT

(2.8)

and any individual wavelength bin’s flux density can provide a similar constraint by substituting

Gλ(T ) in for Gul(T ) and dividing by the wavelength bin width ∆λ. We do not fit to these averages

because we can directly compare our predicted fluxes to the data, but the averages are useful for
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visualizing how an individual flux measurement constrains the DEM.

Using the affine-invariant Markov Chain Monte Carlo sampler implemented in the Python

package emcee (Foreman-Mackey et al., 2013), we fit the coefficients cn (see Equation 2.5) using

a combination of the available X-ray data and integrated FUV line fluxes. Since the uncertainties

on the emissivities are unknown and we have little a priori information on how to characterize the

systematic uncertainties associated with this method, we assume that the variance is boosted by a

scaled multiple of the predicted flux, making our log-likelihood

lnL =
∑

i

ln




1√
2π

(
σ2
yi + (s · f(xi))2

)


−


 yi − f(xi)

2
√
σ2
yi + (s · f(xi))2




2

(2.9)

where f(xi) is the model prediction, yi is the data, σyi is the Gaussian uncertainty of the data,

and s is the free parameter that characterizes these unknown systematic uncertainties (which are

assumed to be independent of the data and temperature). Some contributions to s are likely to

be errors in stellar parameters like the stellar abundance, deviations of level populations from true

collisional equilibrium or variations in the relative abundances along the line of sight, the departure

from being perfectly optically thin τ = 0, and the spatial inhomogeneity of the emitting plasma.

This form of the likelihood is independent of the two types of data described above, allowing us to

mix together combinations of line fluxes and spectra in different wavelength regimes, so long as we

ensure that these do not overlap to count the same data twice.

We incorporate Bayesian priors on individual parameters to modify the likelihood evaluated

in Equation 2.9. We sample log10(s) uniformly between −2 and 2. The mean value of the DEM

is set by c0, which is sampled uniformly between 20 to 26 and then exponentially cut off beyond

those bounds. These boundary values were chosen to limit the DEM to physical expectations for

105 ≲ ne ≲ 1017 cm−3, and path-length 108 ≲ ds ≲ 1011 cm. The remaining coefficients cn are

sampled uniformly within the bounds ±100, and then we also require that the base-10 logarithm

of the final polynomial be positive at log10 T = 6 to prevent unphysically small DEMs and that the

derivative be negative at the lower bound T = 104 K to reflect the higher amount of material in
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the photosphere compared to the chromosphere. These priors extend generously beyond physically

realistic DEM shapes, for example they do not require the DEM to go to 0 at high temperatures,

allowing for an infinitely extended corona. Data constrain the parameter distributions to factors

of a few at most, with the s−factor systematic uncertainty typically restricted to the interval

0.1 < s < 1.

2.5 Testing the DEM Method Against the Sun

To test our implementation of the DEM on solar data, we use the Solar Irradiance Reference

Spectra (SIRS) published byWoods et al. (2009). This is a disk-integrated spectrum of the quiescent

Sun assembled from measurements collected during the 2008 minimum of the solar activity cycle

at 1 Å resolution. Referring to a list of the lines used for the DEM fitting in Warren et al. (1998),

and making a point to select the FUV lines most likely to be detected in Hubble observations of M

dwarfs, listed in Table 2.1, we measure their fluxes in this spectrum by subtracting the continuum

and integrating line profiles. Then we selected the X-ray data between 5 and 50 Å, comparable to

the regions observed by the Chandra-X-ray Observatory and XMM -Newton, and left the spectrum

at its original resolution of 1 Å wavelength bins, R = λ
∆λ ≤ 50. This combination of line fluxes and

an X-ray spectrum is the same type of data we use for M dwarfs discussed later in this work. Table

2.1 also lists the integrated fluxes of EUV lines measured from the Woods et al. (2009) spectrum,

used in the test described in Section §2.5.3. The SIRS did not provide error bars, but we assigned

errors such that we had three versions of the data with S/N = 1, 10, and 100 to test the sensitivity

of the fitting to S/N. The true errors vary across the observations from different instruments and

wavelength ranges assembled by Woods et al. (2009), but never exceed 10% at instrument native

resolutions which are much finer than the 1 Å bins used here.
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2.5.1 Pressure Sensitivity

Across this broad range of temperatures, no single electron density or pressure will accurately

describe the environmental conditions of the plasma emitting the observed flux we are using to fit

the DEM or the unobserved EUV flux we are trying to predict. However we must assume some

function for the electron density ne(T ) to calculate emissivities if we want to fit the DEM at all.

Updating the emissivity calculation iteratively would be computationally prohibitive and still fail

to accurately describe detailed non-equilibrium physics. By generating multiple emissivity matrices

across a broad range of electron pressures, Pe = 1012 to 1025 kB cm−3 K, and fitting a DEM to the

solar data with each matrix, we test the sensitivity of the DEM shape and calculate the variation

in the predicted EUV flux as a function of assumed pressure. Figure 2.3 shows a representative

sample of these DEMs, which vary only slightly for pressures lower than 1020 kB cm−3 K and are

consistent with each other to within 1σ variations of the DEM shape. The horizontal lines are the

average Ψ(Tf ) values. To test if any particular model is a statistically significant improvement over

the others, we compare the models’ values of the Bayesian Information Criterion (BIC, Schwarz

1978). Kass & Raftery (1995) demonstrates that the BIC is related to the natural logarithm of the

Bayes factor, such that a ∆BIC = 1 implies the more negative model is e times more likely than

the higher one. The BIC is evaluated with the equation

BIC = k ln(n)− 2 ln(L̂) (2.10)

where k is the number of model parameters, n is the number of datapoints, and L̂ is the maximum-

likelihood of the model. This criterion penalizes a higher number of parameters, and the model

significance increases as the BIC decreases. All models in this comparison have the same number

of parameters, but we also use the BIC later in Section §2.5.5 to test our method’s sensitivity to

polynomial degree.

Table 2.2 compares each pressure model’s BIC, estimated systematic uncertainty character-

ized by the s-factor, and EUV flux integrated from 100 to 912 Å. In the middle of our pressure

range, from 1017 to 1020 kB cm−3 K, the predicted integrated fluxes are consistent with each other
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to within 1σ, but the BIC clearly favors the 1019 model. We adopt the Pe = 1019 kB cm−3 K

emissivity matrix for other tests of the Sun DEM model moving forward. At pressures higher

than 1021 kB cm−3 K, the DEM shape and predicted fluxes change drastically, likely because the

plasma is optically thick and collisional de-excitation can no longer be ignored. The base of the

solar chromosphere is at a pressure of ∼ 1020 kB cm−3 K (Mariska, 1992), so a model DEM that

assumes the entire upper atmosphere is at photospheric pressure is bound to be unphysical.

For all other stars, we adopt the same approach of fitting the star’s DEM with each pressure

separately and choosing the model with the best likelihood. We caution that it is unphysical to

interpret these “best” pressures as representative of a specific region in the stellar atmosphere,

and that they should be seen as the most useful average for implementing the DEM and nothing

more. Future work could involve testing the DEM with temperature-pressure profiles from stellar

atmosphere models to see if this improves the accuracy and precision of the estimated spectrum.

2.5.2 Sensitivity to S/N

Figure 2.4 compares our DEMs fit to the Sun’s data with S/N = 1, 10, and 100. For higher

S/N models, the variance is dominated by the uncertainty on the predicted flux, parameterized

by the s−factor and independent of the DEM’s shape, so changing the S/N of the data used to

fit the DEM has little consequence. At S/N = 1, the data uncertainty dominates and the model

percentile ranges shift dramatically, with no overlap with the higher S/N models until the higher

temperatures constrained by many X-ray fluxes. As mentioned earlier, s is a measure of our average

temperature-independent systematic uncertainty that combines the uncertainties on the emissivities

with anything else intrinsic to our method’s assumptions and approximations. Figure 2.5 shows us

that s = 0.63 in the solar case with S/N= 100. This indicates that we should assume the systematic

uncertainty on any predicted line flux is roughly 60% of the predicted value. Some of the systematic

uncertainty may be attributed to fact that the Woods et al. (2009) spectrum combines observations

of quiescence from different instruments taken at different times, which is a problem that will affect

most stellar observations and needs to be accounted for in modelling uncertainties.
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Figure 2.3: The DEMs of the Sun fit to the same data, a combination of FUV emission lines and
X-ray spectra, but with emissivity functions calculated at different electron pressures Pe. The
horizontal bars represent constraints on the average DEM value Ψ(Tf ) in the vicinity imposed
by the emissivity functions G(T ) for ion line fluxes or wavelength bins as described in Section
§2.4, with the horizontal extent of the lines representing the full width at half maximum for the
emissivity function. These constraints transformed from a flux to an average DEM value are only
approximately illustrative of the fit quality. For a true comparison of the DEM prediction to the
data used to fit the model, see plots of the predicted line fluxes and X-ray spectra in Figures 2.7
and 2.8 respectively. The solid lines represent the median DEM value as a function of temperature
from the posterior samples for Ψ(T ) while the shaded region encloses the 16th to 84th percentile
values of the DEM. The red, blue, and brown models correspond to DEM models with emissivities
evaluted at electron pressures Pe = 1013, 1019, and 1025 kB cm−3 K respectively. The green dashed
bars and black solid bars represent the flux constraints from the FUV lines and X-ray spectra used
to fit these models, while the dotted purple bars represent the flux constraints from EUV lines
listed in Table 2.1 but were not used to fit these models. For visualizing these constraints we use
the emissivities calculated by assuming the electron pressure Pe = 1019 kB cm−3.
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Table 2.2. The Bayesian Information Criterion (BIC) for models using different electron
pressures evaluated against the FUV line fluxes and the X-ray spectrum used to fit the model.

Log Electron Pressure log10 Pe BIC Integrated EUV Flux log10 sLmax log10 s
log10

(
[kB cm−3 K]

)
— [ergs s−1 cm−2] — —

12 −447.8 4.9+4.2
3.4 −0.2090 −0.1671+0.0739

−0.0632

13 −448.6 4.6+4.3
−3.1 −0.1852 −0.1699+0.0731

−0.0626

14 −450.1 4.3+4.5
−2.8 −0.1929 −0.1757+0.0735

−0.0619

15 −449.8 4.5+4.2
−3.1 −0.2166 −0.1741+0.0726

−0.0624

16 −452.3 4.1+3.6
−2.8 −0.2249 −0.1783+0.0733

−0.0631

17 −456.2 3.6+3.5
−2.3 −0.2137 −0.1909+0.0720

−0.0619

18 −460.7 3.5+3.3
−2.1 −0.2311 −0.2019+0.0697

−0.0615

19 −464.7 3.5+3.1
−2.1 −0.2424 −0.2178+0.0692

−0.0596

20 −463.3 3.8+3.3
−2.4 −0.2515 −0.2125+0.0709

−0.0603

21 −455.1 6.2+6.1
−4.1 −0.2108 −0.1804+0.0729

−0.0623

22 −426.2 20+20
−17 −0.0881 −0.0591+0.0873

−0.0725

23 −376.7 59+94
−59 0.0828 0.1254+0.1199

−0.0962

24 −367.6 140+220
−140 −0.0113 0.0413+0.1069

−0.0826

25 −364.1 200+370
−200 0.0244 0.0473+0.1067

−0.0809

Note. — The BIC penalizes model parameters by k ln(n) where k is the number of parameters
being fit and n is the number of data points being fit to. An increasingly negative BIC indicates a
better fit. In this case, the most preferred models are the Pe = 1019 and 1020 kB cm−3 K models
respectively. We also show the value of log10 s for the maximum likelihood sample from the posterior
and the median ±1σ confidence interval for log10 s.
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Figure 2.4: A comparison of fitting the DEM to the same data, a combination of FUV line fluxes
and X-ray spectra from the Woods et al. (2009) quiescent Sun spectrum, but with different errors
assigned to vary the signal-to-noise ratio (S/N). As shown before in Figure 2.3, the solid lines and
shaded regions represent the different DEM models while the horizontal bars represent constraints
imposed by the flux measurements. The red, green, and blue models represent fitting the DEM
at S/N values of 1, 10, and 100 respectively. As shown previously in Figure 2.3, the green dashed
bars and black solid bars represent the flux constraints from the FUV lines and X-ray spectra used
to fit these models. The dotted purple bars represent the flux constraints from EUV lines listed in
Table 2.1 and which were not used to fit these models.
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Figure 2.5: The corner plot for the parameter distributions when fitting the Sun at S/N = 100
shows the median value of log10 s to be −0.22+0.07

−0.06 which translates to a model uncertainty of 60%
for the predicted flux. This uncertainty dominates the fitting over the uncertainty associated with
the data itself.
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2.5.3 Including EUV Data in the Fitting and Excluding Anomalous Ions

With the Sun, we can refer to the EUV lines observed by Woods et al. (2009) in the SIRS,

allowing us to see how much information we are losing about the DEM in the stellar case where EUV

data is not available. Including the EUV lines gives us more temperature coverage and allows us

to exclude three ions from the Na-like and Li-like isolectronic sequences: N V, C IV, and Si IV. Del

Zanna et al. (2002) showed that a DEM informed by these ions significantly overpredicts the flux of

other transitions because of an anomaly in the CHIANTI ionization equilibrium calculations for these

isoelectronic sequences compared to other ions for the same plasma environmental conditions. The

factor of discrepancy is not constant across all transitions and densities, so it cannot be corrected for

by a consistent known number. This discrepancy constitutes a significant systematic uncertainty

that cannot be avoided when fitting the DEM to faint stars with few strong measurable lines that

are not from these anomalous ions. Including line fluxes from multiple transitions of other ions can

help mitigate the influence of the anomalous ions, but upper limits can still help if the star is too

faint to measure these lines.

To help characterize the magnitude of these discrepancies, we include EUV lines from 7 ions

that are currently unobservable for our M dwarf sample of interest, listed in Table 2.1, and drop

the anomalous ions (retaining some of the FUV lines and the X-ray spectrum) when fitting the

model labeled “Fit with EUV Lines and without Anomalous Ions” in Figures 2.6, 2.7, 2.8, and 2.9.

This new DEM model shifts down by a factor of ∼ 5 in between 105 and 106 K (see Figure 2.6)

to match the EUV line fluxes (see Figure 2.7) that are not informing our stellar-analogous DEM.

The DEMs agree with each other at the higher temperatures constrained by the X-ray spectra

resulting in nearly identical predictions in that spectral regime (see Figures 2.6 and 2.8). The

predicted line fluxes from both models are compared to the data in Table 2.1 and Figure 2.7, and

highlight the problem of the anomalous ions. The model without EUV lines and including the

anomalous ions predicts the FUV fluxes reasonably well, adopting a compromise position between

FUV lines formed at similar temperatures that have discrepant DEM constraints (see Figure 2.6),
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but this compromise still overestimates the flux of the EUV lines by up to a factor of 5. When

applying the DEM to M dwarfs without EUV data, we include the ions with anomalous CHIANTI

emissivities because these are the strongest lines available and we cannot afford to simply exclude

them. Measuring upper limits for the fluxes of other transitions formed at similar temperatures

can mitigate the influence of the anomalous ions when combined with the s−factor uncertainty, as

demonstrated in our modeling of AU Mic in section 2.6.

In Figure 2.7, the error bars associated with the plotted data point incorporate both the

posterior distributions of the DEM shape and the s−factor uncertainty of the “Fit with EUV Lines

and without Anomalous Ions” model. We do this by drawing randomly from the posterior sample of

the MCMC fitting to generate a sample Ψ(T ) using the Chebyshev coefficients cn (see Equation 2.5)

with an associated s−factor. The Ψ(T ) is combined with G(T ) to predict the flux of an observed

data point, yi, giving a model flux f(xi). Multiple sample draws in this fashion would only represent

the uncertainty associated with the DEM shape and exclude the s−factor. To include the model-

intrinsic uncertainty, we draw randomly from the Gaussian distribution N (µ = f(xi), σ = s · f(xi))

and record the prediction from the flux distribution parameterized by a single MCMC posterior

sample. This process is executed with N = 5 × 104 draws from the model parameters’ posterior

distribution to describe the full range of the model’s predicted flux. The errorbar for a particular

datapoint represents the width of the 16th to 84th percentile interval for this distribution built

up of random draws. Figures 2.8 and 2.9 show the uncertainties of both models as errorbars on

the models’ respective predicted spectra using the same method. The s−factor dominating the

uncertainty results in errorbars that scale according to the magnitude of the flux predicted by the

model.
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Figure 2.6: A comparison of the DEM fit using FUV lines and the X-ray spectrum to a new DEM
that excludes N V, C IV, Si IV from the FUV data and includes a number of EUV lines listed in
Table 2.1. As in Figures 2.3 and 2.4, the solid lines and regions represent the median DEM and
1σ confidence intervals while the horizontal bars represent constraints imposed by the measured
fluxes.



53

104 105 106 107 108

Temperature [K]

10−2

10−1

F
li
n

e
[e

rg
s−

1
cm
−

2
]

C II

C III

C IV

N V
Ne VII

Ne VIII

O III

O IV O V

Si XII

Si III

Si IV

Fit to X-ray Spectrum + FUV Lines

Fit with EUV Lines and without Anomalous Ions

Woods et al., 2009

Figure 2.7: A comparison of the predicted line fluxes from the DEM models shown in Figure 2.6 to the lines listed in Table 2.1. The
color scheme is the same as Figure 2.6, with the red pentagons marking predictions from the model including EUV lines and the blue
triangles marking predictions from the model excluding EUV lines. The black points represent the line flux measurements with errorbars
for their measurement uncertainties while the model predictions have errorbars for the s-factor model intrinsic uncertainty. The high S/N
assigned to the Woods et al. (2009) data makes the errorbars nearly invisible. Note how the red model accurately predicts the fluxes of
O III, O IV, O V formed at roughly the same temperatures as N V, C IV, Si IV but drastically underestimates the flux of these anomalous
ions. Conversely, the blue model is caught in a compromise that slightly underestimates the flux of these ions and overestimates the flux
of other FUV ions, but this compromise results in significantly overestimating the flux of EUV ions.
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When we compare the predicted EUV flux of the Sun from both fits to the observed spectrum

itself, the DEM prediction fit without EUV lines overestimates the data by 80% (see Figure 2.9

and Table 2.5). The s−factor uncertainty for this model estimates that each line’s predicted

flux has an uncertainty 60% of the predicted value, so the 1σ confidence interval of the model still

encompasses the observed data. The DEM prediction including EUV lines and excluding anomalous

ions underestimates the integrated flux by only 0.01%, but does have a significant 57% s−factor

uncertainty. Within the EUV regime, there are 3 different recombination continuum regions that

form from excess kinetic energy emitted when an ion captures a free electron into a bound state.

Only one of them, the H I 912 Å continuum, is a significant contributor to the total EUV flux

integrated from 100 to 912 Å, accounting for 15% in the Woods et al. (2009) spectrum of the Sun.

The other two regions, He II 229 Å and He I 504 Å, contribute 3% and 2 % respectively. This falls

within our uncertainties on the predicted flux, but it would be worth investigating if it is possible

to incorporate these recombination continua in the DEM model without added parameters. The

reconstruction of the EUV spectrum only used the emissivities of optically thin emission lines in the

Gλ(T ) emissivity matrices and does not account for any contribution from continuum processes.

The data required to incorporate free-bound, free-free, and two-photon continua exist in CHIANTI,

but as of this work we have not included these sources of emissivity in theGλ(T ) emissivity matrices.

In future work we hope to include these processes for both fitting the DEM to X-ray spectra and

reconstructing the EUV spectrum.

2.5.4 Abundance Sensitivity

We use the solar coronal abundances from Schmelz et al. (2012) stored in CHIANTI and an

ionization equilibrium calculated at those abundances to get the Gul(T ) functions for each emission

line. Then for every Gul(T ) function, we multiply by the stellar abundance if the ion’s atomic

number Z > 2. A higher metal abundance should shift the ionization equilibrium, which would

have some effect on the self-consistency of the emissivity calculations. To verify whether or not

this effect would be significant, we tested how the DEM fitting was sensitive to abundance in this
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Figure 2.8: The predicted X-ray spectra from both models discussed in Section §2.5.3 compared to
each other and the Woods et al. (2009) SIRS data used to fit the DEM. The solid lines represent
models according to the same color scheme as Figure 2.6, blue for the model without EUV lines
and red for the model with EUV lines and without the anomalous FUV ions. The errorbars on
each model incorporate both the uncertainty in DEM shape and the s−factor uncertainty of their
respective models in the manner described in Section §2.5.3. The DEMs do not differ significantly
in the temperature regime associated with emitting at X-ray wavelengths, so the spectra for both
models are nearly identical. A more complete look at the X-ray spectral data, including data not
used to fit the DEM, and our DEM prediction is shown in the top-left panel of Figure 2.16.
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Figure 2.9: The predicted EUV spectra of both DEM models discussed in Section §2.5.3 with
errorbars representing the uncertainties derived in the manner described in that section. The color
scheme follows that of Figures 2.6 and 2.8, with the solid blue line representing the predicted
spectrum and uncertainty of the model fit without EUV lines and the solid red line representing
the predicted spectrum and uncertainty of the model fit with EUV lines and without the anomalous
ions. The black points are the data from Woods et al. (2009). Both model spectra show nearly the
same spectral shape as the data, excepting the ramp feature at wavelengths between 800 and 912
Å, discussed in Section §2.5.3. The blue model consistently overestimates the spectrum although
the 1σ errorbars usually include the data.



57

crude framework. When we fit to stars other than the Sun we can refer to the literature and use

the best abundance available, but we should not expect to always have an accurate and precise

abundance measurement for the stars we are fitting the DEM to. Fitting the Sun with emissivity

matrices generated using a super-solar [Fe/H] = 1 and a sub-solar [Fe/H] = −1 abundance resulted

in the overall DEM shifting up or down to compensate. The predicted EUV fluxes obtained by

combining each model DEM with their respective emissivity matrix differed by < 15%.

This makes sense since the Gul(T ) of an emission line from any metal is linearly proportional

to the abundance. In fact, this harks back to the original implementation of the emission measure

distribution in Pottasch (1963), where the author determined the relative abundances of elements by

shifting them around to minimize the scatter in the emission measure distribution. This abundance

adjustment is contingent on the assumption of the relative abundances being constant throughout

the optically thin plasma, but everything else about this implementation of the DEM hinges on

this assumption as well. This will also let us compare the DEM shapes of stars with different

abundances by modifying the temperature independent coefficient c0 to shift the overall DEM

shape, marginalizing over the stellar abundance for any future study of the DEMs of a population

of stars. However, if the relative abundances of an M dwarf corona differ from the Sun, the ions

of an affected element will be consistently discrepant from the final DEM fit, and this is likely

our greatest source of systematic uncertainty for stars other than the Sun. In the Sun, heavy

elements with a first ionization potential < 9 keV tend to be enhanced in the corona relative to the

photosphere (Drake et al., 1995). There is evidence to suggest that this first ionization potential

effect varies with spectral type and may even be reversed in M dwarfs (Drake et al., 1995; Wood

et al., 2012; Laming, 2015).

A single line from a species constrains the DEM near its ionization temperature, but many

lines from an element across multiple ionization stages can constrain the element’s relative abun-

dance by fitting an element-specific DEM and shifting it to match the DEM fit without that element.

This will only be possible for the brightest stars and the C, O, or Si species, since this requires bright

lines from at least three ionization stages formed at conditions valid for the DEM method. Fitting
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DEMs for as many nearby main-sequence stars as possible may allow us to generate this stellar

coronal abundance library. A future and intermediate improvement would be to use the sample

of stars for which EUVE allowed papers like Drake et al. (1995) to determine coronal abundances

and select the most appropriate analog for a target we are fitting the DEM to. We intend to use

this approach for future work.

2.5.5 Polynomial Degree

Higher polynomial degrees allow more flexibility between the well-constrained temperatures.

The spread of FUV and X-ray formation temperatures constrains the slopes in their respective

regimes (2× 104 K < FUV < 2× 105 K, 106 K < X-ray < 2× 107 K), and this rigidly constrains

lower order polynomials. The models show the most agreement with each other around T = 105 K,

where there are a number of FUV lines with overlapping emissivities to anchor the fit (see Figures

2.2 and 2.10), while there are significant discrepancies at temperatures lower than the constraints

imposed by the FUV lines and higher than the constraints imposed by the X-ray spectrum. Table

2.3 compares the BIC values for the different polynomial order and since the Sun’s DEM shows

very little curvature, the BIC prefers the 3rd order model and penalizes the complexity of higher

order polynomials. Table 2.3 also shows that the models predict values consistent within 1 σ for

the EUV flux integrated between 100 to 912 Å, and the s−factor uncertainty decreases slightly

for higher order polynomials. This consistency is a product of both the low curvature of the Sun’s

DEM and the fact that the FUV and X-ray data constrain either end of the temperature interval

responsible for EUV emission lines. When we ran a similar test with AU Mic, we found that orders

below 5 were unable to match the complexity of the data, so we move forward with the 5th order as

our standard approach for fitting other stars. Most targets will have too few data points to merit

a model with many more parameters than a 5th order polynomial.
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Figure 2.10: This plot compares the Sun’s DEMs fit with different polynomial orders to each other
and the flux constraints imposed by the observed FUV lines and X-ray spectrum used to fit the
data according to the same scheme described in the caption of Figure 2.3. The red model is a 3rd

order polynomial, the blue model is the 5th order polynomial we adopt as our standard approach,
and the green is a 7th order polynomial. The spread in FUV line formation temperatures sets a
slope for the DEM to match between 2 × 104 and 2 × 105 K, while the X-ray spectrum sets the
slope between 106 and 2× 107 K. Table 2.3 compares the different order models to show that the
different models predict consistent EUV fluxes.

Table 2.3. The BIC for different polynomial order models.

Chebyshev Polynomial Order BIC Integrated EUV Flux log10 sLmax log10 s
— — [ergs s−1 cm−2] — —

3 −472.0 3.8+2.6
−2.3 −0.2438 −0.2182+0.0696

−0.0600

4 −468.4 3.7+2.7
−2.3 −0.2516 −0.2173+0.0690

−0.0610

5 −464.7 3.5+3.1
−2.1 −0.2515 −0.2177+0.0696

−0.0603

6 −464.7 3.4+2.9
−2.1 −0.2372 −0.2208+0.0692

−0.0597

7 −464.9 3.0+2.4
−1.8 −0.2662 −0.2348+0.0706

−0.0599

8 −461.1 2.9+2.4
−1.8 −0.2852 −0.2350+0.0698

−0.0600

9 −457.1 2.9+2.5
−1.8 −0.2709 −0.2337+0.0709

−0.0593

10 −454.0 3.1+3.0
−1.9 −0.2858 −0.2307+0.0717

−0.0616

Note. — The Sun’s DEM shows very little complexity, so the 3rd order polynomial model is
most preferred, with each subsequent order scoring a worse BIC. This was not true for the AU
Mic test for which orders below 5 were too inflexible to match the constraints of the prior and the
data.
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2.6 Applying Our DEM Method to AU Mic

AU Mic is a nearby young and active M dwarf with an observable debris disk, 9.979 ± 0.04

pc away and 22 ± 3 Myr old (MacGregor et al., 2013; Ibañez Bustos et al., 2019; Plavchan et al.,

2020). The system also hosts at least one confirmed planet and possibly a second planet candidate

(Plavchan et al., 2020), making it a rare case of an M dwarf planetary system with a precisely

known young age. Despite being nearby, and having been observed multiple times with EUVE,

the quiescent EUV spectrum of AU Mic is poorly constrained (see Section 2.8 and Figure 2.16),

so some method of reconstructing the EUV spectrum is required to study this planetary system in

detail. On the other hand, the X-ray and FUV data for this star are extremely precise considering

how intrinsically faint the star is, allowing us to fit a very well-constrained DEM and compare our

implementation to earlier work published in Del Zanna et al. (2002). Pagano et al. (2000) published

a very thorough list of emission line fluxes measured from spectra taken during quiescence, a subset

of which we use to fit the DEM for AU Mic and list in Table 2.4. Redfield et al. (2002) published

separate quiescent and flare FUSE measurements of FUV lines and Redfield et al. (2003) reported

the quiescent coronal line fluxes listed in Table 2.4. The bandpass for FUSE overlaps with that of

COS, so we fit separate DEMs including and excluding the FUSE measurements to demonstrate

the usefulness of transitions observed between 900 and 1100 Å in constraining the high-temperature

end of the DEM, motivating future COS observations of cool dwarfs.

The majority of the lines listed in Table 2.4 will be unobservable for other fainter cool dwarfs,

but having the ground truth of which lines are emitted from the upper atmospheres of cool dwarfs

is immensely useful for future DEM fitting. If a line is observed for AU Mic, we can place upper

limits on the flux from that line for another star, constraining the DEM near that line’s formation

temperature. We fit the DEM assuming solar coronal abundances from Schmelz et al. (2012), using

the FUV lines listed in Table 2.4 and an X-ray spectrum from the Reflection Grating Spectrometer

(RGS, den Herder et al. 2001) on XMM-Newton, observed in October 2018 (Kowalski et al., 2019).

The spectrum was resampled at 1 Å resolution before fitting. The lightcurve for this observation
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showed multiple flares and we use the quiescent X-ray spectrum from the work of Kowalski et al.

(in prep) and Tristan et al. (in prep). This observation was not concurrent with the data obtained

by Pagano et al. (2000) and Redfield et al. (2003), so it is possible that the X-ray and FUV data

are not from identical levels of quiescence. Very few targets will be likely to have concurrent X-ray

and FUV observations, so this issue will plague most of the stars needing EUV reconstruction. We

compare our fit using FUV lines and an X-ray spectrum to another fit using the same FUV lines and

X-ray line flux measurements reported by Wood et al. (2018). We also note that whenever possible,

a line flux measurement is more useful than a spectral bin, and if high temperature emission line

strengths can be measured, these should be favored over the use of spectral bins.

In Figure 2.11 we compare two fits for AU Mic to the constraints imposed by the data, with

the red model using only line flux measurements and the blue model using the combination of FUV

lines and an X-ray spectrum that will be applicable to fainter M dwarfs. AU Mic has a higher

DEM than the Sun across the entire temperature domain, and significantly higher at temperatures

greater than 2× 106 K, corresponding to the corona. The presence of detectable coronal iron lines,

formed at T > 106 K, places a strong constraint that lifts AU Mic’s DEM far higher than the Sun’s

which had many X-ray spectrum points depressing the DEM in the vicinity of this temperature.

The iron emission lines are not solely responsible for the differences, as the constraints from the

X-ray spectra set a slope at these high temperatures leading toward the iron lines. The shape

of AU Mic’s DEM beyond T = 2 × 105 K demonstrates the importance of including a corona in

calculating the total EUV flux. Peacock et al. (2019b) finds significant differences in the total flux

and spectral shape between the PHOENIX models without a corona and the semi-empirical SRPM

model from Fontenla et al. (2016). Peacock et al. (2019b) also simulates the addition of a corona

to their models by using the DEM of AU Mic available in CHIANTI from Del Zanna et al. (2002),

showing potential opportunities for supplementing stellar atmosphere models with DEMs fit to

observations of specific stars.

Figure 2.12 compares the predicted X-ray spectra to the observed spectrum and Figure 2.13

compares the predicted line fluxes to the FUV line profile measurements listed in Table 2.4. Both
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Figure 2.11: Comparing the DEM of AU Mic fit to a combination of FUV line fluxes from STIS
(published in Pagano et al. 2000) and FUSE (published in Redfield et al. 2002 and Redfield et al.
2003) and either a coarsely sampled X-ray spectrum or a list of X-ray line fluxes reported in Wood
et al. (2018). The red line and region correspond to the median DEM value and 1σ confidence
intervals for AU Mic fit using only line flux measurements, while the blue line and region are the
model for AU Mic constrained by the X-ray spectrum instead of line fluxes. The horizontal bars
represent constraints from the FUV lines listed in Table 2.4 and from the XMM-Newton X-ray
spectrum. The dotted purple bars correspond to the STIS lines published in Pagano et al. (2000)
while the dashed red bars correspond to FUSE lines published in Redfield et al. (2003) and the
black solid bars are from the quiescent XMM-Newton spectrum presented in Kowalski et al. (2019)
(to be published in Kowalski et al. in prep, and Tristan et al. in prep). There were too many X-ray
lines listed in Wood et al. (2018) to represent in this figure.
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figures incorporate the s−factor uncertainties and DEM shape variation (Section §2.5.3) and show

that the model predictions are typically consistent with the data to 1σ. Figure 2.14 shows the

parameter distributions for the DEM fit to line fluxes, and we find that the s−factor for AU Mic

is 0.4, comparable to that of the Sun. At lower wavelengths the red model, which was not fit

to the spectrum itself, significantly underestimates the flux. This may be a consequence of the

higher energy emission including flux from free-free or free-bound continuum sources, creating the

discrepancies between both these DEMs. To reproduce the flux in these bins without accounting

for this extra emissivity, the DEM fit to the spectrum must enhance the amount of material at

these high temperatures. Including free-free and free-bound continuum emissivities in the Gλ(T )

matrices should mitigate or eliminate these discrepancies.
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10−14

10−13

10−12

F
λ

[e
rg

s−
1

cm
−

2
Å
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Figure 2.12: The X-ray data used to fit the DEM compared to the predicted spectra for the DEM
models of AU Mic shown in Figure 2.11. The black points represent the downsampled RGS X-ray
spectrum at a 1 Å wavelength resolution while the red and blue lines show the DEM prediction for
the flux density in the same wavelength bins, incorporating the s−factor uncertainty in their error
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with each other, although the median prediction of the DEM fit to the spectrum is consistently
above the DEM fit to X-ray line fluxes.



65

104 105 106 107 108

Temperature [K]

10−15

10−14

10−13

10−12

F
li
n

e
[e

rg
s−

1
cm
−

2
]

C II
C III C IV

Fe XVIII

Fe XIX
Fe XXI

N II

N III

N IV

N V

Ne V
O III

O IV

O V

O VI

S II

S III

S IV S VI

Si II

Si III Si IV

AU Mic: Using X-ray Line Fluxes

AU Mic: Using X-ray Spectral Bins

STIS and FUSE Line Fluxes

Figure 2.13: The FUV line fluxes predicted by the AU Mic DEM models shown in Figure 2.11 compared to the data from Pagano et al.
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2.7 Our DEMs Compared to Published Literature

Differential emission measure techniques are primarily applied in the solar context to resolved

regions, highlighting individual structures like coronal holes or flare loops. Vernazza & Reeves

(1978) fit DEMs to many such structures, including “quiet regions” with minimal observed activity

during the 9-month interval from 1973 May to 1974 August, shortly before the solar minimum of

Cycle 21. This is not perfectly analogous to our quiescent Sun DEM fit to data integrated over the

entire solar disk, but it is the best comparison for which we had access to a published DEM via

CHIANTI (Dere et al., 1997; Del Zanna et al., 2015). The left panel of Figure 2.15 compares the

Vernazza & Reeves (1978) quiet region DEM to our disk-integrated quiescent Sun DEM, fit under

the assumptions applicable to observing the Sun as a star (albeit with much higher signal-to-noise):

the few FUV lines listed in Table 2.1 and the X-ray spectrum at a low resolution of R ≤ 50. We

also include the solar DEM fit excluding anomalous ions and including EUV lines.

Similarly, the right panel of Figure 2.15 compares our DEM for AU Mic to the DEM published

by Del Zanna et al. (2002), which combined FUSE, STIS, and EUVE observations. CHIANTI has

a volume differential emission measure version of the Del Zanna et al. (2002) DEM which needed

to be divided by 4πR2
⋆

d2
to match our formulation of a column differential emission measure, and we

use the stellar radius and distance assumed by Del Zanna et al. (2002), R⋆ = 0.68R⊙ and d = 9.94

pc, for consistency in the scaling factor. Like our dataset, they did not have access to simultaneous

observations from these different instruments. Unlike our dataset, they included the integrated

fluxes of lines observed with EUVE, but we believe the EUVE observations they used were flare

contaminated for reasons discussed later in Section §2.8. We also compare our AU Mic DEM to the

active solar region DEM of Vernazza & Reeves (1978), demonstrating a small resemblance between

the active region and the active star AU Mic. The active region DEM seems to shift the shape of

the quiet sun DEM to a higher temperature and dramatically enhance the DEM near 106 K. AU

Mic, a star more active than the Sun, has more material at nearly all temperatures.

Both panels show that our DEMs are significantly higher than their literature counterparts
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Figure 2.14: The corner plot showing the parameter distributions when fitting AU Mic with a 5th

order polynomial to FUV lines and the X-ray spectrum. The model uncertainty for AU Mic is
slightly better than that of the Sun, with s = 0.4 instead of 0.6.
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Figure 2.15: The left panel compares both of our DEMs for the quiescent disk-integrated Sun
described in Section §2.5.3 to the “quiet Sun” DEM derived by Vernazza & Reeves (1978) from
observations of quiet regions of the Sun, while the right panel compares our DEM for AU Mic to
the AU Mic DEM published by Del Zanna et al. (2002) and the DEM of an active region published
by Vernazza & Reeves (1978). These DEMs used for comparison were available in the CHIANTI
database (Dere et al., 1997; Del Zanna et al., 2015).
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at temperatures near 105 K, roughly corresponding to the transition region. For the AU Mic panel

on the right, the Del Zanna et al. (2002) DEM is significantly lower than ours between 3× 104 and

3× 105 K. Monsignori Fossi et al. (1996) published the time-evolution of the AU Mic DEM during

a flare observed by EUVE in July 1992, and while they use a slightly different formulation of the

DEM = n2
e
dV
dT , the shape of our DEM strongly resembles theirs published in panels a and g of their

Figure 9, which correspond to quiescent phases, while multiplying our DEM by 4πR2
⋆ ≈ 3 × 1022

cm2 scales to the approximately the same order of magnitude as their DEM. Unfortunately, their

DEM was not available in CHIANTI for direct comparison.

The discrepancy at temperatures below 106 K is largely driven by the line list we are using

to fit the DEM, where our strongest lines are from Na-like and Li-like species N V, Si IV, and C IV,

and the solar DEM excluding these ions is much closer to the Vernazza & Reeves (1978) quiet

region DEM. Del Zanna et al. (2002) fits the DEM of AU Mic without these lines and has enough

individual lines to constrain the DEM in this temperature regime without them. We will not be

able to afford this luxury for nearly every other M dwarf unless we are observing a strong flare.

Instead we fit our DEM including these lines and use the s−parameter boost to our variance to

account for the systematic uncertainties involved. As long as some other ions formed in the same

region are included in the line list, even with just upper limits on their fluxes, the DEM will shift

down to accommodate these lines. In the future, we plan to test dividing the observed fluxes of

these lines by a corrective factor ∼ 5 before fitting the DEM to see how this improves the fit and

affects the predicted EUV spectrum.

Working in a data-limited regime is also why we fit for the DEM using an assumed functional

form instead of interpolating between the emission measure loci estimated from individual lines

(Pagano et al., 2000), or fitting for the value of the DEM in discrete temperature bins (Del Zanna

et al., 2002, 2015). Without measured lines in the temperature regime corresponding to most

EUV lines, we must use our assumption of a continuous function anchored on both ends of the

inaccessible temperature/wavelength regime. The DEM for AU Mic derived by Del Zanna et al.

(2002) is poorly constrained between 106 < T < 106.7K because they do not use X-ray line fluxes
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or a coarse spectrum, but our DEMs agree on the position and magnitude of the coronal peak DEM

(T = 107 K), if not the shape of the decline. Other contributions to the discrepancies between DEMs

are differences in the atomic data and calculations for abundances and the ionization equilibrium

and level populations. While the DEMs created by Sanz-Forcada et al. (2011) were not available

in CHIANTI, we expect significant discrepancies at the lower temperature end of the DEM because

the majority of their cool dwarfs did not have UV data available.

2.8 Comparing Model EUV Spectra to Data

With our implementation of the DEM well-characterized, we can move on to the main ob-

jective of this project: generating EUV spectra in a format useful to the astronomical community

with errorbars that self-consistently account for both statistical and systematic uncertainties. Our

model spectra range from 1 to 2000 Å at a constant R = ∆λ
λ = 500, but we advise using data

instead of our model in the regimes where that is possible. The model spectrum files include un-

certainties derived according to the method described in Section §2.5.3. Figure 2.16 compares our

model spectrum of the Sun to the Woods et al. (2009) data and our model spectrum of AU Mic

to an EUVE observation from July 1992 and quiescent FUSE data from a different time described

in Redfield et al. (2002, 2003). This EUVE observation was during the calibration phase of the

mission and happened to catch a flare, first reported by Cully et al. (1993) and later studied in

more detail in Monsignori Fossi et al. (1996). We compare our DEM-generated spectrum to data

from the quiescent time segment before the flare, extracted using standard EUVE Guest Observer

Center IRAF procedures. The spectral resolution of the 3 spectrometers is ∼ 0.5, 1.0, and 2 Å ,

which corresponds to 7 pixels per resolution element on the detectors. The photon event data were

screened to eliminate high background times and times when the detectors were switched off. The

IRAF routine “apall” was used for the spectral extraction with a 14 pixel wide spectral region and

two 85 pixel wide background regions measured above and below the stellar spectrum. The count

rate spectra were converted to flux densities using the effective areas established by the EUVE

mission and the oversampled spectra were smoothed to the intrinsic spectrometer resolution. The
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large background area sampled allowed precise monitoring of the time dependent background. Del

Zanna et al. (2002) used a 1993 EUVE observation which has no published lightcurve to verify the

absence of flares and the time-averaged 1993 spectrum shows more flux than the quiescent 1992

data at all wavelengths indicating possible flare contamination.

Our DEM prediction for the EUV luminosity of AU Mic is LEUV = 9.0+6.1
−4.6 × 1028 erg s−1,

while the Linsky et al. (2014) relations give 1.2× 1029 erg s−1, Sanz-Forcada et al. (2011) relation

gives 1.4× 1030 erg s−1, and Chadney et al. (2015) finds LEUV = 8.4× 1028 erg s−1 using a coronal

emission measure distribution model. We use the Lyman-α flux reported by Wood et al. (2005) for

the Linsky et al. (2014) relations, and the X-ray luminosity obtained by multiplying the integrated

flux of our EPIC-MOS spectrum with 4πd2, LX-ray = 3.0×1029 erg s−1, for the Sanz-Forcada et al.

(2011) relation. To convert the surface EUV flux reported by Chadney et al. (2015) to luminosity

we use their assumed radius for AU Mic = 0.68R⊙. The major advantages of our DEM approach

are a well-characterized uncertainty and a balance between ease of implementation and specificity

to each star. Using Equation 3 of Sanz-Forcada et al. (2011) has a minimum uncertainty of 1.99

dex in predicting the EUV flux, but our method can do significantly better than this empirical

relation even for very faint targets like TRAPPIST-1, with only a few FUV line measurements

and an integrated X-ray flux or coarse spectrum. The DEM method also provides a low-resolution

spectral shape in addition to a total flux, which may be useful for those who wish to model more

detailed effects of high energy stellar radiation on a planet, disk, or the local interstellar medium.

2.9 Case Studies

Thus far, we have demonstrated our method on targets with extremely good data, which

are not representative of the majority of stars for which the astronomical community needs recon-

structed EUV spectra to enable other science. In this section we apply our method to three M

dwarfs of interest to the exoplanet community, all fainter and less active than AU Mic, and show

that their coronae are hotter than the Sun and will seriously affect the atmospheric evolution of

planets orbiting in their respective habitable zones.
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Figure 2.16: The individual rows of this figure show 250 Å chunks of the X-ray, extreme ultraviolet,
and a portion of the far ultraviolet regimes. The left side compares to the Woods et al. (2009)
spectrum shown as black points to the DEM-generated model spectrum for the Sun in blue, where
the DEM was fit to EUV lines, FUV lines excluding anomalous ions, and X-ray data. The right
side shows the DEM-generated model spectrum for AU Mic in red, compared to both EUVE data
shown as black points and FUSE data shown as purple squares. The model spectrum for the Sun
is largely consistent with the data, except for a recombination continuum associated with the H I

912 Å line spanning ∼ 800 to 912 Å. The AU Mic EUVE data is almost entirely consistent with
zero, but our model does not predict flux significantly higher than these upper limits, while roughly
matching some of the clearly detected emission lines.
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Figure 2.17: Comparing the DEM of GJ 832 fit to a quiescent X-ray spectrum from XMM-Newton
EPIC and line fluxes from STIS, with Ψ(T ) constraints shown as horizontal dotted blue and solid
black bars respectively.

2.9.1 GJ 832

GJ 832 was included in the original MUSCLES survey (France et al., 2016) with its EUV flux

estimated by the Linsky et al. (2014) correlations and semi-empiricaly modeled by both Fontenla

et al. (2016) and Peacock et al. (2019b). We fit our DEM model to the line fluxes published in

Youngblood et al. (2016) and X-ray data hosted on MAST as part of the MUSCLES data products.

The line fluxes were measured using STIS data while the X-ray spectrum is from XMM-Newton

EPIC (France et al., 2016). Comparing our model spectra to the semi-empirical models and the

EUV fluxes predicted by the Linsky relations in Figure 2.18 shows that the different models agree

with each other in different wavelength regimes. The data we used to fit GJ 832 was not perfectly

quiescent, so some of the model discrepancy may be due to flare contamination (Youngblood et al.,

2016). The DEM inferred from fitting the data is shown in Figure 2.17.

The DEM model tends to predict higher fluxes than the other three models at wavelengths

shorter than 600 Å. Below 400 Å all models except for the Peacock et al. (2019b) PHOENIX model

coincide quite closely, with the outlier lacking a coronal contribution. Between 400 to 600 Å both

the DEM and semi-empirical models predict higher fluxes than the Lyman-α correlations. The

biggest discrepancies between models are between 800 to 1100 Å where the semi-empirical models
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include the recombination continuum at the H I 912 Å line and the blue wing of the Lyman-α 1216

Å line, both of which are unaccounted for by the DEM model and which the Lyman-α correlation

fluxes seem to underestimate. Tilipman et al. (2020) updates the Fontenla et al. (2016) SSRPM

model of GJ 832, and when all these EUV reconstruction methods have been applied to a larger

sample of stars we may have more insight into the conditions under which each is more likely to be

accurate.

2.9.2 Barnard’s Star

Barnard’s Star is old and inactive compared to most M dwarfs (Ribas et al., 2018), but it still

flares occasionally (Paulson et al., 2006). France et al. (2020b) obtained X-ray (Chandra ACIS-S)

and FUV (HST STIS/COS) data of this star both during quiescence and during a flare. We used

these data to prepare both a quiescent DEM and a flare DEM, under the assumptions that the

system is still in a collisionally dominated equilibrium and with solar coronal abundances scaled by

the stellar metallicity [Fe/H] = −0.32. This is a very low S/N regime in the quiescent data but not

nearly as low as TRAPPIST-1, discussed in Section 2.9.3. A more physically accurate flare DEM

would require adjusting the emissivity matrix to account for the magnetic reconnection’s influence

on the level populations. In the current framework, we see that the flaring state has more material

than quiescence at temperatures between ∼ 105 to 107 K, but both the flare and quiescent DEMs

agree beyond 3×107 K (see Figure 2.19). France et al. (2020b) uses our quiescent and flaring model

EUV spectra to investigate the influence of EUV variability on a hypothetical planet orbiting in

the habitable zone of Barnard’s star, demonstrating the applicability of our low-resolution spectra

to models of atmospheric escape more complicated than simple energy-limited photoevaporation.

We note that this DEM shape is very unusual compared to past published DEMs, but emphasize

that the wide error intervals are likely to encompass the true DEM shape. If more data become

available, perhaps the model constraints will narrow to something more familiar.
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Figure 2.18: Comparing four methods of reconstructing the EUV spectrum of GJ 832. The green
line and errorbars represent the spectrum predicted by our DEM model with the errors enclosing
the 16th to 84th percentile intervals for the predicted flux according to the method described in
Section §2.5.3. The red lines show the predicted EUV flux in 100 Å bandpasses according to the
Lyman-α correlations published in Linsky et al. (2014), available in the MUSCLES dataset. The
blue points represent the semi-empirical model published by Fontenla et al. (2016), also available
in the MUSCLES dataset. The purple triangles show the PHOENIX model published in Peacock
et al. (2019b) and hosted on MAST. These four methods of predicting the EUV spectrum appear
to have different regions of mutual agreement, discussed in Section 2.9.1.
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Figure 2.19: The left panel compares the DEM of Barnard’s Star fit to a coarse X-ray spectrum
from Chandra ACIS-S and line fluxes measured from HST STIS. The right panel compares the
DEM of Barnard’s Star fit to an integrated X-ray flux from Chandra ACIS-S and line fluxes from
STIS/COS during a flare. For both panels, the dotted blue and solid black bars represent the Ψ(T )
constraints for the X-ray and FUV data respectively.
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2.9.3 TRAPPIST-1

TRAPPIST-1 is an ultracool dwarf with a gaggle of seven planets discovered through transits

(Gillon et al., 2017). It is included in the Mega-MUSCLES survey, an extension of the original

MUSCLES survey from France et al. (2016), and the measured FUV line fluxes (HST STIS) and

X-ray spectrum (XMM-Newton EPIC) are published in Wilson et al. (2021), where we discuss the

implementation of our DEM method for this specific target. Wilson et al. (2021) also compares the

MegaMUSCLES spectral energy distribution of TRAPPIST-1 to the PHOENIX model published in

Peacock et al. (2019a). TRAPPIST-1 tests the fitting in a very low S/N regime constrained by a

few FUV lines and a very faint X-ray spectrum, but we still get meaningful fits and constraints on

the EUV flux (see Figures 2.20 and 2.22).

2.9.4 Comparing the Entire Sample

Figure 2.21 shows the DEMs of all the stars considered within this work and shows some

preliminary trends with activity and spectral type: more active stars have a higher mean DEM

while the decline in the DEM associated with the move from the transition region to the corona

appears to shift to higher temperatures at cooler spectral types. With a more complete sample,

we could go a step further to interpolate the EUV flux of cool dwarfs that lack observed FUV and

X-ray data by relating the DEM to the more accessible stellar parameters Teff and age, as traced

by rotation and/or activity indicators from optical spectra. Determining the best method for this

interpolation and testing its accuracy and precision is left to future work.

We summarize the data products of this chapter by plotting all of our DEM-generated EUV

spectra scaled to the flux density observed at a distance of 1 AU from the host star in Figure

2.22. The slope of the spectra across the EUV seems to vary as a function of both spectral type

and activity. The hotter stars seem to have more EUV flux between 800 to 900 Å while the more

active stars have more EUV flux between 100 to 600 Å. These wavelength regions correspond to

lines formed roughly at temperatures 2× 105 and 3× 106 K respectively (see Figure 2.1). AU Mic,
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and stellar activity will allow us to investigate trends in the DEM and EUV spectra of cool dwarfs
across the entire population.
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which is one of the more active stars and also one of the hotter stars in this sample, has a roughly

flat EUV spectrum. TRAPPIST-1, which is also very active but much cooler, shows a strong

negative slope from 100 to 1000 Å. The spectral shape of the EUV is controlled by the relative

strengths of the corona and chromosphere, and these preliminary observations of our EUV spectra

conceptually agree with the findings of Linsky et al. (2020). Linsky et al. (2020) measured the

relationship between X-ray and Lyman-α flux for a large sample of FGKM dwarfs and found that

for older and relatively inactive stars, the inverse relationship between coronal emission and effective

temperature is much stronger than the inverse relationship between chromospheric emission and

effective temperature. Trends in the shape of the EUV spectrum generated by the DEM should be

investigated along with trends in the DEM and the data used to inform the fitting, and our current

sample is simply too small to make stronger claims than these extremely tentative observations.

Furthermore, the overall shape of the EUV spectrum may be significantly altered by the inclusion

of continuum processes and an analysis of trends without this source of emissivity is premature.

Table 2.5 lists the integrated EUV flux at 1 AU, median s−factor, effective temperature, stellar

radius, and distance for each star considered in this work.

2.10 Conclusions and Future Work

Our tests with the Sun show that with a low-resolution X-ray spectrum and the strongest FUV

emission lines, we can predict the EUV flux to within a factor of 2 across the entire EUV region.

Furthermore, our characterization of the uncertainties in our method show that our predicted

EUV spectra are consistent with the data for the Sun. We have demonstrated that our choice of

functional form is able to describe the DEM within the temperature region relevant to predicting

EUV flux, and that uncertainties in the abundance and average electron pressure can be accounted

for and propagated to the final output spectra. While our approach to fitting the DEM has serious

limitations discussed in Sections §2.5.3 and §2.7, our tradeoff exchanging precision for simplicity

allows us to fit DEMs and estimate EUV spectra for many more stars than methods which require

laborious iterations, both manual and computational. The method can be refined in the future to
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Figure 2.22: A comparison of all of our model spectra generated for the stars considered in this
work, downsampled from a resolution of R = ∆λ

λ = 500 to 100 Å wavelength bins, scaled to the
flux received at 1 AU. The distance and radius assumed for each star is listed in Table 2.5, and can
be scaled to surface flux or habitable zone distances by multiplying with the appropriate factor.
On the left panel, we have the hotter stars of the sample: the Sun (spectrum generated from the
DEM model without anomalous ions discussed in Section §2.5.3) in blue, AU Mic in red, and GJ
832 in green. On the right panel we have Barnard’s Star in quiescence represented by the brown
line, Barnard’s Star while flaring shown in pink, and TRAPPIST-1 in dark purple. All the spectra
shown have errorbars determined by the method described in Section §2.5.3.
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handle different stellar abundances, to use temperature-pressure profiles from stellar atmosphere

models, and to find a better way to handle the discrepant CHIANTI ionization equilibrium of the

Na-like and Li-like isoelectronic sequences. Including the free-free and free-bound emission of

hydrogen and helium species is possible with existing CHIANTI data and these emissivity sources

will be accounted for in future DEM fits and EUV spectral reconstructions. The greatest problem

with our current approach is the lack of elemental abundances tailored to individual stars based on

their effective temperature and age. Updating the abundances we use and refitting the DEM may

dramatically improve our precision, but this is left to future work.

Hubble is the only observatory with FUV spectroscopy and the capability to observe a large

sample of M dwarfs, but its lifetime is limited and there will be no replacement in the next few

decades. Given the interest in M dwarf planetary systems, a number of survey programs have

proposed using Hubble to build up a spectral atlas of M dwarfs across the broad range of ef-

fective temperature and activity level represented within the spectral type. MUSCLES (France

et al., 2016), HAZMAT (Shkolnik & Barman, 2014), FUMES (Pineda et al., in prep), and Mega-

MUSCLES (Froning et al., 2019) are completed programs with available data while observations

for MEATS, a Hubble survey targeting cool dwarf exoplanet hosts scheduled to be observed by

Webb (HST-GO-16166, PI-France), are forthcoming. Between all these surveys and archival data,

we will have enough FUV and X-ray data of cool dwarfs to start characterizing them as a popu-

lation: fitting DEMs to all nearby cool dwarf stars with sufficiently available data and estimating

their EUV flux. With a sufficiently comprehensive DEM library, it may be possible to interpolate

DEMs for stars too faint for FUV or X-ray observations, and build on the work of Sanz-Forcada

et al. (2011) to calculate the EUV luminosities of all known planet-hosting main-sequence stars.

Until stellar atmosphere models become sophisticated enough to have a grid of models varying

both effective temperature and stellar activity across the entire cool dwarf regime, or an EUV

observatory (France et al., 2019, e.g.) is able to provide directly observed EUV spectra of nearby

stars, differential emission measure techniques can satisfy the need for stellar EUV spectra which

are physically informed and empirically calibrated.
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Chapter 3

Stochastic Chromospheric Variability Across Stellar Rotation Period

3.1 Preface

This chapter is a lightly edited reproduction of work published in Duvvuri et al. (2023),

where the majority of the analysis was conducted by myself with advice and input from the paper’s

co-authors, using data collected by the FUMES (Pineda et al., 2021a) observing program. The

line-fitting process described in this work was updated for the work described in Chapter 5.

3.2 Introduction

Stellar activity is a catch-all term for various behaviors in the stellar atmosphere produced

by non-thermal heating processes, processes which create distinct layers above the photospheres of

most stars: the chromosphere, transition region, and corona (Linsky, 2017). For low-mass stars,

nearly all the high-energy emission (from wavelengths < 2000 Å) is a product of stellar activity,

varying over time as the stellar magnetic and atmospheric structures interact. One category of

magnetic activity is the presence of surface inhomogeneities (spots, faculae, plages) which contribute

emission distinct from the rest of the photosphere on varying timescales: cycling in and out of view

over the rotation period of the star which can be anywhere between a few hours and a year (Newton

et al., 2016); waxing and waning over weeks as the surface features erupt, evolve, and dissipate (Basri

& Shah, 2020); and growing or fading over decades as the distribution, frequency, and strength of

the surface features are changed by the cycling of the stellar magnetic field (Wilson, 1968). Another

category is flaring, which is a seconds-to-hours burst of emission produced by magnetic reconnection
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events depositing energy. Flare emission can manifest as broadband enhancements to the optical,

ultraviolet, and X-ray continua, radio synchrotron/gyrosynchrotron emission, and/or enhancements

to emission lines that grow in amplitude, broaden, and sometimes blue/redshift during the flare

(Kowalski et al., 2013; MacGregor et al., 2021). Finally, all forms of stellar activity are subject to

evolution over the megayear timescales of angular momentum evolution (Skumanich, 1972).

As the study of M dwarfs has been intensified by the interest in their terrestrial exoplanets, the

time-variability of magnetic activity has been studied both for its effects on exoplanet observations

(Llama & Shkolnik, 2015; Rackham et al., 2019) and for its physical impact on the formation,

evolution, and retention of exoplanetary atmospheres (Shields et al., 2016). This motivates studying

the high-energy emission of low mass stars across a wide range of rotation periods, which implicitly

correspond to a wide range of activity levels and ages.

The Far Ultraviolet M-dwarf Evolution Survey (FUMES) collected FUV spectra between

1100 – 1736 Å of a sample of intermediate activity stars (whose stellar properties are listed in Table

3.1) to complement existing datasets and enable new studies of the rotational evolution of magnetic

activity for M-dwarfs. Pineda et al. (2021a), FUMES I, measured the flux of FUV emission lines

formed in the transition region to study the rotation-activity relation in this wavelength/structural

regime. Youngblood et al. (2021b), FUMES II, reconstructed the intrinsic Lyman-α emission for

the FUMES sample and demonstrated that the wings of the Lyman-α line can be used to infer

the density of the chromosphere. This work, FUMES III, complements the UV data with optical

spectroscopic measurements of the Balmer series and Ca II H and K emission lines to study the

stochastic variability of the chromosphere and transition region on short timescales comparable to

exoplanet observations. When we use the term “stochastic”, we are referring to brief changes that

cannot be clearly identified as flares based on their amplitude or light curve structure. This analysis

builds on existing literature examining the stochastic emission line variability of low mass stars in

the ultraviolet (Loyd & France, 2014) and the optical (Lee et al., 2010; Kruse et al., 2010; Medina

et al., 2022), but extends it by applying similar analytical techniques to both of these disparate

wavelength (and implicitly structural) regimes for a common sample of stars on similar timescales.
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Section §3.3 discusses the optical observations and their reduction (§3.3.1), and the measure-

ment of equivalent widths and creation of spectral line light curves to look for variability (§3.3.2).

Section §3.4 describes our analysis of the UV data to create similar spectral line light curves for

transition region emission lines. In Section §3.5 we quantify the significance of observed variability

and compare the variability of different lines to each other and for each line as a function of Rossby

number. Finally in Section §3.6 we summarize our findings, discuss the physical and observational

implications of our work, and conclude by recommending some observational and theoretical work

that could help determine the origin of the stochastic variability described in this study.

3.3 Optical Spectra

The bulk of the optical emission from low mass stars originates from the photosphere, which

can be thought of as the “surface” of the star, but the Balmer series and Ca II H and K lines

are prominent optical emission features that are formed higher in the magnetically heated chromo-

sphere. The red tinge of the Hα Balmer line coloring the solar limb near the endpoints of an eclipse

is how the chromosphere was first identified and named as a distinct stellar atmospheric structure

(Lockyer, 1868). The Balmer series lines form through a combination of photoionization, recombi-

nation, and collisional excitation while the Ca II H and K lines are collisionally dominated (Cram

& Giampapa, 1987). Observing multiple optical chromospheric emission lines and comparing them

to the photospheric continuum traces the physics of magnetic heating in the chromosphere relative

to the local thermodynamic equilibrium of the photosphere.

While most M dwarfs display chromospheric Ca II H and K emission, only a fraction of these

also show the Hα line in emission (Stauffer & Hartmann, 1986). The least active M dwarfs show

shallow Hα absorption, and an increase in chromospheric density first deepens the Hα absorption,

then fills in the absorption feature with emission, and finally exceeds the photospheric continuum

level to become an emission line (Cram & Giampapa, 1987). Shallow Hα absorption can therefore

correspond to either an extremely inactive or intermediately active M dwarf, requiring another

activity indicator like Ca II emission, flare frequency, or UV emission to break the degeneracy.
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Table 3.1. These are the stellar parameters for the subset of the FUMES sample considered in
this chapter. All parameters are from Table 2 of Pineda et al. (2021a) as determined in Pineda
et al. (2021b). The column titled “Hα EWquiescent lists the photospheric contribution to the Hα
equivalent width of the star, calculated using Equation 2 in Newton et al. (2017) and the listed

stellar masses as inputs.

Name Mass Radius Teff Prot Rossby Number Hα EWquiescent

– [M⊙] [R⊙] [K] [days] – Å

HIP 112312 0.247+0.018
−0.015 0.688+0.015

0.016 3173+25
−22 2.355 0.0249 0.157

LP 247-13 0.495± 0.013 0.49± 0.02 3511+79
−76 1.289 0.0278 0.252

CD-35 2722 0.572± 0.002 0.561± 0.003 3727+8
−6 1.717 0.0459 0.299

HIP 17695 0.435+0.011
−0.014 0.502+0.008

−0.007 3393+20
−21 3.87 0.0708 0.226

HIP 23309 0.785+0.009
−0.01 0.932± 0.014 3886+28

−27 8.6 0.379 0.558

GJ 410 0.557± 015 0.549± 0.024 3786+89
−83 14 0.385 0.289

GJ 49 0.541± 0.015 0.534± 0.023 3713+86
−81 18.6 0.472 0.278

G 249-11 0.237± 0.006 0.255± 0.01 3277+71
−68 52.76 0.571 0.152

LP 55-41 0.41± 0.01 0.416± 0.017 3412+75
−73 53.44 0.905 0.216
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Table 3.2. APO/ARC 3.5m DIS/1.5”

UT Date Star Initial Airmass Exposure Duration [s] Nexposures

2017-05-01 GJ 410 1.03 180 40
2017-05-01 Feige 56∗ 1.22 360 1
2017-09-14 LP 247-13 1.13 360 9
2017-09-14 G 191B2B∗ 1.26 360 1
2017-09-14 LP 55-41 1.33 420 4
2017-09-14 G 249-11 1.32 480 5
2017-09-20 GJ 49 1.16 180 2
2017-09-20 GJ 49 1.15 150 21
2017-09-20 G 191B2B∗ 1.26 360 1
2017-09-20 GJ 4334 1.28 360 3
2017-09-20 GJ 4334 1.3 420 13

∗These stars were used as flux standards for their respective observing nights.

3.3.1 Observations and Reduction

We observed 6 northern FUMES targets with the Dual Imaging Spectrograph (DIS) on the

Astrophysical Research Consortium (ARC) 3.5 meter telescope at the Apache Point Observatory

(APO). DIS is a dual-channel spectrograph with a resolving power R = λ
∆λ ranging from 7000 at

the bluest wavelengths to 12000 at the reddest wavelengths for our observing settings. We used the

B1200 and R1200 gratings centered on 4400 and 6400 Å, covering the wavelength ranges 3770 – 5030

Å and 5880 - 7000 Å for the blue and red arms respectively. We observed 4 southern FUMES targets

with the Gemini Multiple Object Spectrograph on the Gemini South telescope (GMOS-S) at the

southern site of the Gemini Observatory using the B600 grating centered on either 5200 or 5300 Å

with a 0.5” mask. The GMOS-S covered wavelengths from 3640 – 6780 with the 5200 setting and

3740 – 6880 with the 5300 setting, with a resolving power of 7000 (blue end) < R < 13000 (red end)

across the observed wavelength regime. All APO/ARC 3.5m DIS observations are listed in Table

3.2, and all Gemini GMOS-S observations are listed in Table 3.3.

We reduced the spectral data from both Gemini and DIS by adapting the pyDIS package

(Davenport et al., 2016). We bias-subtracted, flat-fielded, and then traced the spectrum with a
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cubic spline. We fit a low-order polynomial to manually identified lines in a CuAr lamp for Gemini

data and a HeNeAr lamp for APO data to wavelength calibrate the spectra. We treated the blue

and red detector arms of DIS separately as their own datasets. For the Gemini data, we adapted

the pyDIS code to match the nature of the raw data; stitching together the multiple chips into

one 2D image, filling in the gaps across chips with NaN values, and saving the read noise and gain

properties of each chip into a corresponding 2D array instead of the singular float values assumed

by the standard pyDIS package. For both the Gemini and DIS data we extracted the spectra

using simple aperture box extraction. The code for both reduction pipelines has been included

in separate subdirectories of the Zenodo repository associated with this chapter1 . We used the

spectral standard stars from the IRAF Spec50Cal catalog (identified in Tables 3.2 and 3.3 with an

asterisk∗) to flux calibrate the spectra, referring to data files included in pydis (Davenport et al.,

2016).

3.3.2 Analysis

While reducing the optical spectra we noticed a significant flare in the GJ 4334 data and

excluded this star from this work’s analysis of short-term stochastic variability. For the remaining

targets we restricted our analysis to lines that were clearly identifiable in the spectrum, limiting

the lowest activity stars to just measurements of Ca II H and K and/or Hα.

3.3.2.1 Equivalent Widths

We measured equivalent widths (EWs) for all optical lines following the convention that

negative values correspond to emission

EW =

∫ λupp

λlow

(
1− Fλ

Fcontinuum

)
dλ Note : EW < 0 ⇒ emission (3.1)

where the interval [λlow, λupp] defines a narrow wavelength window centered on the spectral line

and Fcontinuum is the median flux density value evaluated across all datapoints falling within two

1 https://doi.org/10.5281/zenodo.6909473 (European Organization For Nuclear Research & OpenAIRE, 2013)

https://doi.org/10.5281/zenodo.6909473
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continuum regions defined by wavelength intervals on either side of the spectral line. The typical

windows for each line are listed in Table 3.4, although some exposures or targets required individu-

ally shifting or restricting windows to ensure the continuum value matched the base of the emission

line. These changes to the positions of the windows were < 3 Å and always chosen such that the

median continuum intensity value was at the base of the emission line. Changes to the width of the

line windows were more significant and chosen with respect to each target to capture the entirety

of the line. The shape of the spectrum beneath the Balmer lines changes significantly across the

range of effective temperatures in our sample and any choice of windows that is consistent across all

stars would fail to accurately capture the true equivalent widths for some of the sample. All wave-

length windows were internally consistent for each star to avoid interfering with the measurement

of variability.

We assume that the error on the continuum value is negligible when propagating the errors

on the numerically measured equivalent widths because it is averaged over many datapoints. We

did not fit the lines using Gaussian profiles and a polynomial continuum for a combination of two

reasons. The first is that some of the intermediate activity stars in our sample have Balmer lines

that are not well described by a Gaussian profile because the combination of line formation processes

yields something close to a flat line. The second is that the bluer Balmer lines are in spectral regions

that do not have a clearly identifiable continuum, but rather appear to be a superposition of many

molecular absorption features that cannot be easily described by a spline or polynomial function

during fitting. Equivalent widths were a more stable measurement across all lines, exposures, and

targets and therefore more useful for assessing and comparing variability.

3.3.2.2 Optical Emission Line Variability

With time series measurements of multiple emission lines for the majority of the FUMES

sample we were able to assess the minute-to-hour variability of chromospheric emission in these

low-mass stars and look for trends between lines and across stars. Figure 3.1 shows the variability

of LP 247-13’s spectrum in three 800 km s−1 wide regions centered on the continuum-normalized
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Hα, Ca II K, and Hδ emission lines. The black lines and errorbars shows the median value of

the continuum normalized flux density across all exposures and the corresponding error. The blue

and red shaded regions span the gap between the median and the 16th and 84th percentiles values

respectively. Note that this is variability in the emission line relative to the continuum, so this

indicates variability in the ratio between chromospheric and photospheric emission that carries

forward to the measurements of equivalent widths. Photospheric emission varies by less than a

few percent over the course of a full rotation period for low-mass stars like those in our sample

(Newton et al., 2016), and can therefore be neglected in these observations taken over the course of

a single night. Normalizing to the continuum removes variations due to observational constraints

like seeing, transparency, and instrumental effects.

The line profiles show measurable variation in both amplitude and width over the course of

the observation. LP 247-13 was shown as a representative example, and similar variations were

observed for the other FUMES stars where we were able to measure lines other than Hα. Figure

3.2 shows the time series of equivalent width measurements for all Balmer lines up to H10 and

the Ca II H and K lines for HIP 23309, and Figure 3.3 shows the time series of equivalent width

measurements for three emission lines (Hα, Hη, and Ca II K) across the entire sample analyzed in

this work. While analyzing the equivalent width time series of Gemini data, we noticed that some

of the series showed offsets after the break in the middle corresponding to time spent shifting the

central wavelength setting of the grating. We attribute this offset to using only one setting when

measuring a standard star spectrum for flux calibration. The offsets vary from 1−10% depending

on the target and spectral line and can be seen most clearly in the right panel of Figure 3.2 where

the median equivalent width of Ca II K shifts from −10 to −11 Å after the gap.

In Figure 3.1 the variability of Hα is small, only slightly exceeding the errorbars and a small

absolute magnitude of variation between the 16th and 84th percentile boundaries of the continuum

normalized spectrum. This behavior is also apparent in the time series for the Hα equivalent width

measurements of HIP 23309 shown as dark red in Figure 3.2, and again mirrored by nearly every

star in the bottom panel of Figure 3.3.
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Figure 3.1: Using LP 247-13 as an example, we demonstrate the variability of three optical emission
lines in individual panels; Hα on the left, Ca II K in the middle, and Hδ on the right. We
first normalized the spectra from each individual exposure, then resampled them onto a common
wavelength grid, and then identified the median spectrum with associated error bars and boundaries
for the 16th and 84th percentile values of the spectrum in each wavelength bin. The median spectra
and their errors are drawn in solid black while the gaps between the median and 16/84th percentile
boundaries are filled in with blue/red respectively. The variability exceeds the error bars in each
panel but the magnitude of variation relative to the continuum is higher for Ca II K and Hδ than
for Hα, following a trend shared by the remainder of the sample where we measured lines other
than Hα.
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Figure 3.2: HIP 23309 is one of the more active, UV-bright stars in our sample, and as a result its
spectra have signal-to-noise making them ideal for variability analysis on the shortest time scales.
Each line’s time series is represented by a unique marker shape and color with errorbars, although
the errors are minuscule and rarely extend beyond the marker itself. The time series for Hα’s
equivalent width, shown in the darkest red line here, is nearly perfectly flat with no observable
long-term trend or short-term variability exceeding the error bars of individual measurements. The
lines with the greatest variability are the Ca II H and K lines which have been plotted in a separate
panel for visual clarity, although some of this variability is an offset between grating settings that we
attribute to flux calibrating with a standard star spectrum taken with just one of the two settings.
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of those respective lines. No variability is seen in Hα except for one star, HIP 112312. Ca II and
Hη both exhibit significant variability in all targets. Note that all lightcurves are plotted with
errorbars, but that the scale of the error is minuscule, even in Figure 3.2 which focuses on the
optical time series data for just one star.
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3.3.2.3 Balmer Decrements

The Balmer decrement is the flux ratio of each Balmer line (numerically integrated in our

equivalent width analysis) relative to either Hβ or Hγ and can be used to distinguish between

the different photoelectric processes forming the Balmer lines (Woolley, 1936). Beyond the limiting

cases of pure recombination or collisional excitation, radiative transfer models of stellar atmospheres

can be tuned to best match the available data and infer the physical conditions of the photosphere

and chromosphere (Houdebine & Doyle, 1994; Allred et al., 2006; Kowalski et al., 2017). Our

measurements of the Balmer series up to H10 provide a valuable dataset to test models of active

low-mass stars, bolstered by the measurements of Ca II H and K which are formed purely by colli-

sional excitation and provide useful points of comparison to the Balmer series (Cram & Giampapa,

1987). Furthermore, our measurements of the short-term variability of the Balmer series presents

opportunities to test models of the inhomogeneity of stellar surfaces and magnetic activity that

contribute to this observed variability as perturbations to a steady-state model stellar atmosphere.

We compare the ratio of numerically integrated fluxes for the Balmer lines within individual

flux-calibrated exposures to the exposure’s integrated flux measurement of Hβ to calculate the

decrement for each line in each exposure. We do not apply any correction from the photospheric

contribution to the Hα flux in the decrement analysis to be consistent with the past literature

(Hawley et al., 1996; Walkowicz & Hawley, 2009; West et al., 2011). Figure 3.4 shows the time

series of decrements (except Hβ which is unity by definition) for CD-35 2722 as a representative

example while Figure 3.5 shows the decrement values of all FUMES stars for which we were able

to measure the higher order Balmer lines. Figure 3.5 also shows the variability of the decrements

with errorbars indicating the maximum range of decrement values. The most variable decrement

for most stars is Hα, which is a consequence of the high variability of Hβ relative to the mostly

constant Hα (see Figure 3.3).
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Table 3.5. This table list the median, minimum, and maximum values of the Balmer decrements
relative to Hβ for the stars where we were able to measure the higher order lines. The stars are
ordered by Rossby number with the lowest/fastest Rossby number on top, corresponding to the

most active star.

Star Hα Hγ Hδ Hζ Hη H10

HIP 112312 3.924+0.249
−0.456 0.576+0.039

−0.030 0.394+0.027
−0.006 0.267+0.018

−0.007 0.151+0.008
−0.009 0.097+0.014

−0.008

LP 247-13 2.723+0.097
−0.168 0.752+0.023

−0.025 0.440+0.038
−0.030 0.258+0.035

−0.042 0.114+0.025
−0.020 0.072+0.007

−0.023

CD-35 2722 2.389+0.235
−0.101 0.420+0.081

−0.082 0.340+0.030
−0.030 0.283+0.010

−0.030 0.164+0.019
−0.029 0.057+0.018

−0.021

HIP 17695 2.793+0.174
−0.096 0.618+0.026

−0.014 0.392+0.018
−0.023 0.276+0.023

−0.024 0.123+0.013
−0.014 0.101+0.010

−0.025

HIP 23309 2.228+0.274
−0.169 0.391+0.095

−0.018 0.274+0.031
−0.029 0.255+0.020

−0.015 0.228+0.014
−0.009 0.091+0.014

−0.020

3.4 UV Spectra

The brightest far ultraviolet lines are formed in the upper chromosphere (Lyman-α, C II)

and transition region (C IV, N V, Si III, Si IV). The transition region is a physically thin structure

that spans a wide range of temperatures, bridging the 104K chromosphere and 106K corona.

FUV emission lines formed here can be used to trace the strength of magnetic heating across this

structure, and Linsky et al. (2020) and Pineda et al. (2021a) show possible trends in the luminosity

of these lines as a function of Rossby number that imply the decline of magnetic heating as stars

spin down is first apparent in the corona, then progressively moves inward through the transition

region to the chromosphere. We succeed this work to see if the variability of the FUV emission

sheds further light on the nature of stellar magnetism and spin-down.

3.4.1 HST Data and Analysis

The FUMES program collected UV spectra using the Space Telescope Imaging Spectrograph

(STIS) on Hubble Space Telescope (HST ). Spectra were obtained using the FUV-MAMA detector

and the G140L grating for the majority of the targets except HIP 112312 and HIP 17695, for which

we used the echelle E140M grating instead. All spectra were taken using the TIME-TAG mode

to assess the variability of UV transition region emission lines. See Pineda et al. (2021a) for a

complete description of the observations.
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We use spectralphoton (Loyd et al., 2018b,a) to divide the photon events into time bins of

equal duration chosen for each star such that we are able to measure the flux of the N V doublet

to 30% precision in an individual time bin’s spectrum. This criterion was chosen because N V is

one of the weaker lines and 30% seemed like a reasonable compromise between S/N and lightcurve

cadence. The durations for each star are listed in Table 3.4.1. We observe two significant flares

from GJ 4334 and GJ 410 where the count rate changed by a factor > 5. The GJ 4334 flare was

observed simultaneously by HST and from APO. The analysis of both of these flares is left to

future work and our analysis of the short-term stochastic UV variability excludes these high-energy

events.

With these obvious flares excised, we measured the integrated line fluxes of the N V, Si IV,

C IV doublets, the C II 1335 Å multiplet, and the He II 1640 Å multiplet for each time bin. We

convolve the linespread functions of the observing modes associated with each spectrum during the

linefitting process2 . We fit the lines as Gaussian profiles atop a sloped continuum within windows

listed in Table 3.4.1. The C II and He II multiplets were both fit using single Gaussian profiles

because we lacked the resolution and S/N to distinguish multiple components. For the N V, Si IV,

and C IV doublets we performed a joint fit of both lines in the doublet using Gaussian profiles for

each. We used the astropy.models framework to optimize the fit using the Levenberg-Marquardt

non-linear least-squares method (Levenberg, 1944; Marquardt, 1963). Figure 3.6 shows an example

best-fit to the C II multiplet and N V doublet for the first time bin spectrum of CD-35 2722.

3.4.1.1 Ultraviolet Emission Line Variability

Pineda et al. (2021a) discusses a long-term trend in the countrate lightcurve for HIP 23309,

uniform across the entire FUV spectrum and possibly caused by guiding issues affecting the fraction

of starlight that fell on the slit. We follow the method described in Pineda et al. (2021a) by fitting

a third-order polynomial to the trend and dividing it out. The maximum deviation of the countrate

from the mean before correcting the trend was < 20%.

2 https://www.stsci.edu/hst/instrumentation/stis/performance/spectral-resolution

https://www.stsci.edu/hst/instrumentation/stis/performance/spectral-resolution
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Table 3.6. The duration of time bins to divide up UV photon events, mimicking exposures,
chosen for each star.

Name Time Bin Duration [s]

HIP 112312 500
LP 247-13 200
CD-35 2722 150
HIP 17695 500
HIP 23309 100
GJ 49 300

1327.5 1330.0 1332.5 1335.0 1337.5 1340.0 1342.5 1345.0
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Å
−

1
]

Figure 3.6: This figure demonstrates the line-fitting process for the first time bin spectrum of CD-
35 2722, including photon events that occurred during the first 150 seconds of observation. The
panels show the data in black and best-fit model in blue for the C II multiplet on top and the N V

doublet on the bottom. The blue swath represents the 1σ boundaries of the model fit. Both fits
include a sloped continuum, although the slope is very shallow, and the C II multiplet is fit with a
single Gaussian while the N V doublet is fit using two Gaussians. The models are convolved with
the linespread function before evaluating the fit-statistic.
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Table 3.7. These ultraviolet lines are formed in the transition regions of low-mass stars (France
et al., 2016). We fit them as Gaussian profiles convolved with the instrumental line-spread

function.

Spectral Line Vacuum Wavelength(s) [Å] Wavelength Window [Å]

N V doublet 1238.82, 1242.806 1227.6 – 1254.0
C II 1335 multiplet 1334.53, 1335.66, 1335.71 1324.0 – 1347.4

Si IV doublet 1393.76, 1402.77 1381.8 – 1414.8
C IV doublet 1548.19, 1550.78 1535.5 – 1558.6

He II 1640 multiplet 1640.33 – 1640.54 1627.9 – 1653.7

After correcting for these long-term trends and fitting line profiles, we prepare light curves

of the integrated flux for all the measured lines, analogous to the optical line light curves (with the

caveat that now a higher value indicates more emission). Figure 3.7 shows all the light curves for

emission lines measured in the spectrum of HIP 23309, one of the more active and UV-bright stars

in the sample. While there is significant point to point scatter, the changes are roughly the same

scale as the error bars associated with each datapoint. Figure 3.8 shows all measured line light

curves for three emission lines: N V on top, Si IV in the middle, and C IV on the bottom. The light

curves for other stars also show scatter consistent with the error bars. To meaningfully compare

the variability between lines with statements about statistical significance, we need to quantify the

intrinsic variability of line light curves in both the optical and ultraviolet datasets.

3.5 Quantifying and Comparing Variability

Our data lack the cadence or baseline required to model the variability with a sophisticated

functional form or analyze a frequency power spectrum. To quantify the variability we model each

light curve as a Gaussian distribution with the mean fixed at the median value of each light curve and

a variance that is the quadrature sum of the measurement uncertainty and an intrinsic variability

term. Assuming the underlying photospheric continuum has not changed between exposures,
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Figure 3.7: This figure shows the time series of UV line flux measurements for HIP 23309. Unlike
Figure 3.2, the point-to-point variability is not visibly distinguishable from the photometric uncer-
tainty.
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stochastic or long-term trends are apparent in these time series.
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dEW

EW
≈ −dFλ

Fλ
(3.2)

meaning that the fractional change in equivalent width corresponds to a fractional change in flux.

We analyze both the optical and UV lightcurves in this common framework of dimensionless frac-

tional flux, but also look at the optical lightcurves in absolute equivalent width space and the

UV lightcurves in absolute flux space. The fractional flux framework controls for the intrinsic

activity of the star and allows comparisons between stars with different activity levels, but also

allows comparisons between lines that are intrinsically weaker or formed at different heights and

temperatures. Conversely, the absolute flux or equivalent width framework puts the variability in

the context of the individual line, distinguishing between a small change in a small quantity from

being interpreted as equivalent to a large change in a large quantity. Since this work is focused on

chromospheric variability, we use Equation 2 of Newton et al. (2017) to calculate the photospheric

contribution to the Hα equivalent width of each star, subtract it off before assessing the variability,

and provide the calculated quantity in Table 3.1 for reference. The photospheric contribution to

the higher-order Balmer lines is less well-characterized but likely small compared to the emission

line strength given that all stars where we measure the higher-order lines are active enough to show

them in emission and the photospheric contribution to Hα is small.

We use the affine-invariant Markov chain Monte Carlo method implemented by emcee (Foreman-

Mackey et al., 2013) to sample the log-likelihood function

lnL(y|s) =
∑

i

1√
2π

(
σ2
i + s2

) − 1

2

(yi − µ)2

σ2
i + s2

(3.3)

where µ is the median of the series y, which can represent either the absolute equivalent width,

absolute flux, or the fractional flux variation. The only parameter being fit is the intrinsic variability

s which is either in units of Å, erg s−1 cm−2, or dimensionless for the absolute equivalent width,

absolute flux, and fractional cases respectively. To correct for the offset in Gemini data described

earlier in Section §3.3.1 we shift the latter 6 datapoints such that their median matches that of
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the first 6. We run emcee with 20 walkers for 30000 steps, a factor of > 10 times the largest

emcee-estimated autocorrelation time of < 2500 steps (typical value is 100), and discard the first

5000 steps. Figure 3.9 demonstrates the four types of fit using LP 247-13 as an example: the

optical Hα line in the top row, with absolute equivalent width on the left and fractional flux on the

right, and the UV C IV line in the bottom row with absolute flux on the left and fractional flux on

the right. The gray shaded regions represent the ±1σ boundaries using the median measurement

uncertainty while the purple shaded regions represent the added contribution from the intrinsic

variability parameter fit for each panel. In this case, both optical panels show that the intrinsic

variability is comparable to the measurement uncertainty while both of the ultraviolet panels’

intrinsic variability is a barely visible purple sliver beyond the gray of the measurement uncertainty

swath. The comparison between absolute and fractional for both wavelength regimes is effectively

just a shift and scaling by the median, although the sign flips for the equivalent width because an

increase in flux corresponds to a more negative equivalent width as outlined in Equations 3.2 and

3.3.

Comparing the posterior distribution of the intrinsic variability to the median measurement

uncertainty is how we assess the significance of the detected variability. If the median measurement

uncertainty exceeds the 16th percentile of the posterior distribution of the parameterized variability

s, we consider that a non-detection of variability but report the 95th percentile of the posterior

distribution as an upper limit. Figure 3.10 compares the measurement uncertainty to the posterior

distributions for fractional flux fits to the time series of a few stars for three optical lines on the

left side and three ultraviolet emission features on the right. There are only two stars that have

significant detections of ultraviolet variability, HIP 112312 and HIP 23309 while most of the optical

time series data shows detectable variability. We tabulate the results of all optical fits in Table 3.5

and all ultraviolet fits in 3.5. Note that the section of the table for Hα measurements have had the

photospheric contribution removed and are therefore slightly shifted from the values visible in the

lightcurves.
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Figure 3.9: The top panels show the LP 247-13 time series data for Hα in absolute equivalent width
(left) and dimensionless fractional flux (right) using red dots with error bars. The bottom panels
show the LP 247-13 time series data for C IV in a similar fashion, absolute flux on the left and
fraction flux on the right. In each panel we use the median measurement uncertainty (σmedian) of
the panel’s lightcurve to shade the ±1σ region in gray. Each panel’s plotted lightcurve has been
fit individually and we use the median of the s parameter posterior distribution to shade the extra

contribution in purple such that the boundaries of the shaded region are µ±
√

σ2
median + s2 where

µ is the median of the lightcurve. The size of the gray swath for the UV data shows how our
signal-to-noise prevents us from detecting variability at the same scale as the optical.
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3.5.1 GJ 410: An Example of Intermediate Activity

GJ 410 is at an intermediate activity level where the Hα line is very close to being flat, with

an equivalent width varying between 0.007 and 0.04 Å. As discussed earlier in Section §3.3.2, this

is a level where the photospheric absorption is almost perfectly filled in by chromospheric emission.

These changes are very small in absolute equivalent width but large in relative flux because the

average is so close to zero. Figure 3.11 shows the Hα variability for this star with continuum

normalized spectra. The deepest the line gets is 4% below the continuum level, with a median

equivalent width of 0.025 Å. This skews the apparent variability of GJ 410 and other intermediate

activity stars which is why both absolute and fractional variability should be considered in tandem.

If GJ 410 experienced a flare or other brief increase in Hα emission, it would go from being

barely detectable as either absorption or emission to a definitively detected emission line and likely

have a very high ratio between the minimum detected emission line flux to the maximum detected

flux. This intermediate activity behavior is also observed by Kruse et al. (2010) who found that

the ratio between maximum and minimum Hα equivalent width was generally higher for stars with

intermittently detected Hα compared to stars where the Hα line was consistently detected.

3.5.2 Tentative Trends

To compare the variability metrics for a single line across the sample we plot them as a

function of Rossby number, the ratio between the rotation period and the convective turnover

timescale (Noyes et al., 1984). The Rossby numbers for the sample, listed in Table 3.1, were

computed in Pineda et al. (2021a) using the mass determinations from Pineda et al. (2021b) and

the methods of Wright et al. (2018). Figure 3.12 plots the posterior distribution of the equivalent

width intrinsic variability fits as a function of Rossby number for a different optical line per panel.

In this absolute space, faster rotators have higher intrinsic variability. Looking at the y-axis values

also shows that in this absolute space, the Ca II H and K lines show more variability than the

Balmer series and higher-order Balmer lines show more variability than Hα.
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Figure 3.10: Each panel on the left side shows the posterior distribution for fitting the intrinsic
variability in fractional flux for a different optical line: Hα on top, Hη in the middle, and Ca II K
at the bottom. Each panel on the right side shows the posterior distribution for fitting the intrinsic
variability in fractional flux for a different ultraviolet emission feature: the C IV doublet on top,
He II 1640 line in the middle, and the Si IV doublet on the bottom. The distributions have been
smoothed by a kernel density estimate and are color-coded by star. The median measurement
uncertainty for each star’s time series is also plotted as a vertical dotted line with the same color-
coding although some of these vertical lines are very similar values and appear to overlap. The
median measurement uncertainty falls well short of the 16th percentile for most of the optical
distributions plotted here, indicating a detection of intrinsic variability that is distinguishable from
photometric uncertainty. For most of the ultraviolet distributions, the opposite case is true with
the median measurement uncertainty exceeding the 16th percentile and demonstrating that we are
unable to detect intrinsic variability that is distinguishable from the noise of the data.
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Figure 3.11: This figure shows the Hα spectra for the three exposures of GJ 410 corresponding to
the minimum (blue), median (black), and maximum (red) equivalent width measurements in the
GJ 410 time series.
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Figure 3.13 is similar to 3.12 but plots the intrinsic variability of the fractional flux instead.

The trends with Rossby number have mostly flattened out indicating that whatever processes

contribute to the variability of a line, their behavior as a function of Rossby number is very similar

to the behavior of the line’s formation as a function of Rossby number. This is conceptually

analogous to an observation made by Loyd et al. (2018a): flare-frequency distributions of active

and inactive M dwarfs differ greatly when flares are characterized in absolute units (flare energy),

but appear to coincide when the flares are characterized in relative units (equivalent flare duration,

which normalizes by bandpass luminosity). In this relative space, the Hα variability is still generally

the lowest, but the scatter in Ca II H and K is broadly consistent with the other Balmer lines.

For the few stars active enough to measure multiple lines in the Balmer series, the param-

eterized variability in fraction flux shows a tentative trend where higher order Balmer lines have

a higher intrinsic variability. The sample is too small to test this rigorously, but Figure 3.14 il-

lustrates the pattern. Each panel plots the posterior distributions of fractional variability for each

Balmer line for one star. The fastest rotator, HIP 112312 shows the pattern most clearly where

distributions move smoothly from left to right (increasing intrinsic variability) as the color changes

from red (Hα) to yellow (H10).

Lee et al. (2010) has shown that > 80% of M3.5V to M8.5V stars are variable (amplitude

> 30%) over 1 hour timescales but their sample was focused on active stars with previously known

Hα emission. Kruse et al. (2010) looked at a larger sample with a wider range of both spectral type

and activity, but had heterogeneous numbers and cadences of measurements. The few stars with

> 5 measurements were once again biased towards the most active stars. More recently, work by

Medina et al. (2022) has demonstrated variability in the Hα line for a 10 star sample of M dwarfs

that exceeds our measurements (50–100% equivalent width variability to our < 30%), but their

sample includes lower-mass stars than the FUMES sample and their work does not examine trends

in the magnitude of line variability as a function of stellar rotation. This work’s sample is similarly

small, but by selecting a range of Rossby numbers and measuring the higher-order Balmer lines we

have found evidence for trends worth examining in more detail for a larger sample of stars.
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3.5.3 Physically Interpreting Optical Variability

Table 3.5 summarizes the optical variability analysis by listing the Balmer decrements, mean

equivalent widths, s2EW values, and number of exposures included in analysis for each emission

line. Considering the variability in terms of line formation, if the intrinsic variability in Ca II H

and K is formed by the same mechanisms as the intrinsic variability in the Balmer series, then

these mechanisms are related to collisional excitation which dominates the formation of Ca II H

and K (Cram & Giampapa, 1987). Whatever is causing the variability, the absolute magnitude

of the effect is clearly related to the rotation of the star while the relative variability may be

constant across Rossby number. More tentatively, higher order Balmer lines are more sensitive to

the physical processes corresponding to the variability, which could be due to the higher order lines

having lower number densities making small absolute changes more apparent in a relative scale.

Some possibilities are that these trends may be a function of the total surface area of active

regions, the depth of the chromosphere subject to variable energy deposition via microflares or

Alfvén waves, magnetic field topology, but testing these various possibilities exceeds the scope of

this work. We discuss future avenues for investigation in Section §4.6.

3.5.4 Relative Inability to Detect UV Variability

Our ability to detect intrinsic variability in the UV was limited by our need to balance time

resolution with signal-to-noise ratio. We were generally sensitive to variations beyond 30% for all

the features we measured but do not see evidence of intrinsic stochastic variability exceeding that

threshold. This result is largely consistent with the results of Loyd & France (2014) which detected

stochastic variability in a number of UV targets but few of them showed excess fluctuations > 30%.

We were insensitive to UV variability on the scale of what we saw for the majority of the optical

line time series.

It is important to note that during the limited time baseline of the FUMES observations, we

saw multiple flares, including one on the relatively slow rotator GJ 410, and so these observations
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join a growing club of UV M dwarf flares (France et al., 2013, 2020b; Loyd et al., 2018b; Froning

et al., 2019; Diamond-Lowe et al., 2021). M dwarfs are therefore unambiguously UV variable,

but there is a need to identify whether they show additional stochastic variability that can be

distinguished from flares and may have other physical causes. Loyd & France (2014) examined this

problem for a much larger (and UV brighter) sample, measuring the intrinsic variability left in UV

time series data after excising all identifiable flares. For AU Mic, a very active and very nearby M

dwarf, Loyd & France (2014) found < 10% variability in the flare-excised data. If UV stochastic

variability is caused by magnetic heating processes then one should expect the magnitude of AU

Mic’s variability to be among the highest in the sample, yet Loyd & France (2014) measured higher

values of 13.9% and 26.4% for the fainter and less active M dwarfs GJ 832 and Proxima Centauri

respectively. But if all or most stochastic variability is caused by flares too small to identify, then

AU Mic appears less variable in the flare-excised data because it is much easier to identify the

flares. At present this is just supposition, but a carefully planned UV survey with a long baseline

could assess whether all M dwarfs show the same amount of stochastic variability after controlling

for flare detection completeness.

3.6 Conclusion

This chapter has collated measurements of the Ca II H and K and Balmer optical emission

lines from Hα through H10 for a subset of the FUMES sample, a group of low-mass stars spanning a

range of rotation periods observed by HST Proposal 14640, and analyzed the variability of both the

optical and UV chromospheric emission for this sample. Our measurements of the variability of the

optical chromospheric emission indicate stochastic changes to line formation in the chromosphere

that correlate to the Rossby number. The Hα line is least variable in both an absolute (< 0.3 Å)

and relative (< 5%, except for GJ 410) sense, while Ca II H and K vary up to 15% during a single

observing night. For the cases where we are able to measure the higher order Balmer lines, their

intrinsic variability is > 5% for all stars except the least active (GJ 410). We see 10–30% variability

in most of the Balmer lines for the lowest Rossby numbers.
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Previous studies of Hα and Ca II H and K emission have noted rotational modulation on

weekly timescales and activity cycle variations on decadal timescales so rotation-activity relations

using these lines have often used the mean equivalent width averaged over archival measurements

from multiple nights and attributed the remaining scatter to stellar properties like metallicity

(Baliunas et al., 1995; Houdebine, 2012; Houdebine et al., 2017). Our work and Medina et al. (2022)

show that the short-term variation is also a significant contributor that needs to be accounted for

and averaging the Hα and Ca II H and K emission over multiple exposures and/or long integration

times is necessary to get an accurate measurement of the stellar activity on any given night.

This intrinsic variability may also impede studies that try to use these lines to detect star-planet-

interactions.

The stochastic optical variability does not coincide with any apparent optical flare continuum

emission and no significant stochastic variability is observed in the UV emission lines on similar

timescales, only occasional flares where count rate changes significantly (> a factor of 2) across the

entire UV spectrum. We are not sensitive to stochastic variability less than 30% in the ultraviolet

data which limits our ability to compare the chromospheric variability to the transition region.

There are significant discrepancies between the UV and optical flare behavior of low mass stars,

namely that UV flares are frequently detected on optically inactive M dwarfs (France et al., 2013,

2020b; Loyd et al., 2018b; Froning et al., 2019; Diamond-Lowe et al., 2021). If flares on these

optically inactive stars skew towards temperatures significantly hotter than 9000 K, then low energy

flares may result in observations of optical stochastic variability coincident with UV flares.

We consider two plausible explanations for stochastic variability in the optical line emission

that does not observably propagate to the higher layers of the transition region associated with

the UV lines we have measured. Medina et al. (2022) use injection tests to demonstrate that the

timescales for flares are consistent with the Hα variability they observe. In this scenario a flare

produces a cascading beam of non-thermal electrons which collide in the chromosphere, depositing

energy which propagates upwards through the transition region to the corona (Hawley & Fisher,

1994). This could lead to a stratified effect where small (and frequent) flares manifest as small
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enhancements in the optical emission lines because of the extra collisions, but any flare strong

enough to heat the transition region enhances the UV emission lines and continuum dramatically

enough to be clearly identifiable as a flare. Another plausible mechanism is Alfvén wave heating,

where magnetoacoustic oscillations perturb the local pressure, changing the collisional excitation

rate, but the strength of these perturbations at different heights would depend on the properties of

the stellar magnetic field and atmospheric structure, possibly stratifying to cause more variability

in the chromosphere than the transition region (Sakaue & Shibata, 2021). Determining the relative

contribution of each mechanism or identifying other mechanisms is not possible with the dataset

we have collected here.

Simultaneous optical and UV monitoring of low mass stars could help determine whether

microflaring events are causing the stochastic optical variability. Higher signal-to-noise observations

of the UV would enable cross-correlating the variability between the chromosphere and transition

region, helping to determine whether the processes involved affect both layers and test for a time

lag. A higher cadence and longer baseline survey of the Balmer series for a small sample would

enable analysis of the frequency and amplitude of the variability and a comparison between Balmer

lines would diagnose the magnitude of energy perturbations. These measurements may be able

to disentangle the two heating mechanisms we have described. A theoretical complement to this

dataset could be a 3D and time-variable model of the stellar atmosphere where different heating

mechanisms can be tuned and trends observed in the simulations can be compared to the available

data, applying the techniques of Kowalski et al. (2017) to stars other than the Sun. A sample

structured similarly to FUMES for hotter dwarf stars should also be assembled to determine whether

the trends with Rossby number observed here apply to them as well. Following up on existing

studies of stochastic variability in one wavelength regime can guide the sample selection, for example

getting optical spectroscopic time series data for the Loyd & France (2014) UV sample. Magnetic

activity is a time-variable phenomenon and time series observations of chromospheric, transition

region, and coronal emission of stars across a range of rotation periods and effective temperatures

are necessary to understand stellar magnetic structure and evolution.



Chapter 4

The High-Energy Emission of A Young Sun-like Star

4.1 Preface

This chapter is a lightly edited version of a paper in preparation to be submitted to the

Astronomical Journal, using data from Hubble guest observing program GO #16163 Cauley et al.

(2020) and NICER GO #3041 (PI: Co-author P. Wilson Cauley) . For this paper, in addition

to advice and input, co-authors performed a significant portion of the analysis and provided text

that was included and/or adapted in this chapter. We are currently re-analyzing the X-ray data

to account for some discrepancies and so specific values described here may change although the

structure and broad conclusions of the chapter are not expected to change. Co-author Roy Kilgard

analyzed the NICER X-ray data and provided text for the discussion in Section §4.4.1, co-author

Kevin France measured the strengths of far ultraviolet emission lines and provided text to de-

scribe this process in Section §4.4.2, co-author Fernando Cruz-Aguirre subtracted the airglow in

the Lyman-α emission line according to the method described in Cruz Aguirre et al. (2023) and

described for this particular case in Section §4.4.3, and co-author P. Wilson Cauley was PI of the

observing programs for this work and provided the portions of the panchromatic spectrum beyond

1700 Å using a combination of Hubble STIS data and an appropriate PHOENIX model atmosphere

spectrum (Husser et al., 2013).
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4.2 Introduction

V1298 Tau is a K0-1.5 pre-main sequence star that hosts 4 known transiting exoplanets

(David et al., 2019). The star is bright (d = 108.5 pc, mGaia = 10.1, Gaia Collaboration et al.,

2018b), similar to the young Sun (M⋆ = 1.101M⊙, R⋆ = 1.345R⊙), and younger than 100 Myr

(David et al., 2019), making the V1298 Tau planets prime targets for transmission spectroscopy.

Both the star and its planets will change significantly over the lifetime of the system: the star will

spin down, contract, and emit less high-energy radiation while the planets will contract as they

cool but also lose mass from their H/He envelopes. The majority of planetary atmospheric escape

is expected to take place within the first Gyr of the system’s lifetime (King & Wheatley, 2021) and

studying the physics of atmospheric evolution is necessary to understand exoplanet demographics

and habitability. A major open question in this area is whether formation conditions or evolutionary

processes like photoevaporative mass loss and core-powered heating are primarily responsible for

the “radius valley”: an apparent sparsity of exoplanets with radii near 1.8 R⊕ (Fulton et al., 2017).

Statistical experiments have been proposed to compare predictions from both atmospheric loss

mechanisms to the observed exoplanet population, but these approaches rely on input assumptions

of the initial high-energy fluxes of young stars and their subsequent evolution (Rogers et al., 2021).

Determining the high-energy irradiation and atmospheric escape of young exoplanets like those

orbiting V1298 Tau is necessary to assess the accuracy and precision of those input assumptions.

This work describes the creation of a panchromatic spectrum of V1298 Tau presented in Fig-

ure 4.1 for the community to model this planetary system and interpret observations of atmospheric

escape. Section §4.3 lists the X-ray and ultraviolet observations contributing to the spectrum, Sec-

tion §4.4 describes our analysis of the far ultraviolet emission lines and determination of the star’s

coronal properties, and Section §4.5 explains the method used to predict the unobserved extreme

ultraviolet flux. Section §4.6 concludes by calculating a simplified energy-limited mass loss rate for

the innermost planet V1298 Tau c and using the V1298 Tau spectrum to characterize the lifetime

high-energy irradiation of exoplanets orbiting solar-mass stars.
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Figure 4.1: The composite spectrum is plotted with each component covering a specific wavelength interval, using data where available
and supplemented by empirically constrained models. The components and their respective wavelength intervals are: XSPEC model (teal),
5 – 9 Å; NICER data (dark orange), 9 – 25 Å; DEM model (dark purple), 25 – 1150 Å; HST COS data (green), 1150 – 1700 Å, with a
sub-interval 1214.63 – 1216.78 Å for Lyman-α replaced with a scaled reconstruction from ϵ Eridani; HST STIS data (yellow), 1700 – 3100
Å; PHOENIX model (yellow), 3100 – 105 Å.
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Table 4.1. Summary of NICER and HST observations

Date Starting time Exposure time λstart λend Resolution†

Telescope Instrument setting (UT) (UT) (seconds) (Å) (Å) (Å)

NICER · · · 2020-09-13 11:06 1880 5 55 0.9
NICER · · · 2020-10-18 23:37 2134 5 55 0.9
HST STIS G230L 2020-11-07 06:44 2200 1600 3150 3.0
HST COS G160M 2020-10-17 14:54 1997 1350 1710 0.09
HST COS G130M 2021-12-23 10:44 9892 1140 1420 0.09
HST COS G130M 2022-01-17 03:18 12030 1140 1420 0.09

†Resolutions vary across the free spectral range. We report the approximate value at the central wavelength of
the recorded spectrum.

⋆Inclination measured from the line-of-sight.

4.3 Observations

From 2020 through early 2022 we obtained observations of V1298 Tau’s high-energy spectrum

using the Space Telescope Imaging Spectrograph (STIS, Woodgate et al., 1998) and Cosmic Origins

Spectrograph (COS, Green et al., 2012) instruments on the Hubble Space Telescope (HST) and

NASA’s Neutron Star Interior Composition ExploreR (NICER) mission aboard the International

Space Station (Gendreau et al., 2016). The ultraviolet observations cover the wavelength range

1140 Å - 3100 Å and the X-ray observations span the energy range 0.1 - 10 keV (≈ 5 Å - 55 Å). We

give details on the individual instrument settings and observations in the two subsections below,

including a summary in Table 4.1.

4.3.1 Hubble Space Telescope

The HST observations were designed to cover the far ultraviolet (FUV, 1100 – 1700 Å) and

near ultraviolet (NUV, 1700 – 3100 Å) spectral range with two COS settings and a single STIS

setting. The COS observations were obtained with the G130M and G160M gratings and cover

the FUV wavelengths; the STIS observations were performed with the G230L grating to cover the

NUV spectral range. We note that the COS G130M observations were executed during transits

of V1298 Tau c with the goal of measuring mass loss from the planet’s atmosphere. The transit

observations will be detailed in an upcoming paper. Here, we combine the first two G130M visits



131

into a high-quality FUV spectrum to be included in the final composite high-energy spectrum data

product.

4.3.2 NICER

NICER is a soft X-ray telescope whose primary purpose is to investigate the equation of state

of the interiors of neutron stars. NICER was designed to have high photon arrival time accuracy

and is able to record events with a precision of < 300 nanoseconds, but its excellent soft X-ray

sensitivity also makes it useful for observing the high-energy emission from stellar coronae. NICER

only has a single configuration so we do not specify the instrument Grating/Setting in Table 4.1.

We obtained ≈ 4 ks of exposure time through NICER’s Guest Observer Program Cycle 2

(proposal number 3041, PI Cauley). NICER observed V1298 Tau on two separate dates: 1880

seconds of exposure time on 2020-09-13 and 2134 seconds of exposure time on 2020-10-18.

4.4 Analysis

To prepare the final data product we analyzed the X-ray and FUV data to provide constraints

for estimating the EUV spectrum and scaled the Lyman-α profile of ϵ Eridani as recovering the

intrinsic stellar emission profile was poorly constrained given the high interstellar absorption and

Earth airglow.

4.4.1 X-ray Analysis

NICER data were processed using NICERDAS 9/HEASoft 6.30 to generate cleaned event

lists, extract spectra, and generate observation-specific response functions. The background levels

were estimated using the nibackgen350 tool of Remillard et al. (2022). Spectra were modeled in

Xspec (Arnaud, 1996) with photoelectric absorption and a Raymond-Smith optically thin thermal

plasma model (Raymond & Smith, 1977). The spectral fit parameters and fluxes were nearly iden-

tical in both NICER observations (see Table 4.2), with negligible absorption, a plasma temperature

of 0.79 ± 0.015 keV, and sub-Solar abundance (≈ 0.1). A plot of the X-ray spectrum and model
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Table 4.2. Spectral fits to NICER observations

NICER ID Temperature Abundance χ2/D.O.F.
(keV)

3541010201 0.79± 0.015 0.11± 0.013 293.7/96
3541010301 0.79± 0.014 0.14± 0.017 109.54/82

for the second observation is shown in Figure 4.2. The plasma model appears to underpredict the

low-energy emission below 5 keV, but matches the dominant emission lines and general shape of

the underlying continuum well. For the final data product we use the NICER data between 9 and

25 Å and the XSPEC model below 9 Å, cutting off regions where the effective area of the detector

drops off and avoiding edge effects.

4.4.2 Far-UV Emission Line Measurements of V1298 Tau

V1298 Tau was observed with the medium-resolution far-UV modes of COS (G130M and

G160M; Green et al. 2012) as part of GO 16163 (PI – P. Cauley). These observations (program ID

GO 16163, visits 2, 3, and 4) were acquired between 17 October 2020 and 17 January 2022. G130M

observations were acquired in the CENWAVE 1291, FP-POS 4 setting, and G160M observations

were acquired in the CENWAVE 1533 setting using all four FP-POS tilts. Together, these observa-

tions create a nearly continuous FUV spectrum from ≈ 1133 – 1709 Å, with a ∼ 11 Å gap around

1525 Å where the COS detector segments are physically separated, and mitigate the effects of fixed

pattern noise. The one-dimensional spectra produced by the COS calibration pipeline, CALCOS,

were aligned and coadded using the custom software procedure described by France et al. (2012).

The final FUV spectrum has a point-source resolution of ∆ v ≈ 20 km s−1 with 6 – 7 pixels per

resolution element. A three-pixel boxcar smoothing was applied prior to fitting the emission lines.

The total far-UV exposure times were 21,924s in G130M and 1,998s in G160M.

The chromospheric, transition region, and coronal emission lines in the COS spectra were

fitted with an interactive multi-Gaussian line-fitting code optimized for COS emission line spectra.

This code assumes a Gaussian line-shape convolved with the wavelength dependent line-spread
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Figure 4.2: The NICER spectrum merged from both observations is plotted as orange circles with
errorbars while the best-fit XSPEC model is plotted in solid green. The model fits the continuum
and strong emission lines at intermediate energies well but underpredicts the emission from low
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function, then uses the MPFIT routine to minimize χ2 between the fit and data (Markwardt,

2009; France et al., 2012). A second order polynomial background, the Gaussian amplitudes, and

the Gaussian full-widths-at-half-maximum (FWHM) for each component are free parameters. The

parameters of the underlying Gaussian emission lines are returned to the user, and the total line

fluxes (Table 4.4) are used as inputs to the DEM calculations described in Section §4.5.1. Figure 4.3

presents the spectrum and line fit for the C IV emission line as an example of the data and line-

fitting procedure.

4.4.3 Lyman-α Profile

Stellar Lyman-α emission is obscured by H I in the interstellar medium (ISM) which attenu-

ates the line core. Observing Lyman-α with HST, whose orbit lies within the exosphere, is further

complicated by geocoronal Lyman-α emission, or airglow. For COS data, the airglow signal cannot

be separated from the stellar signal during the standard background subtraction routine.

Cruz Aguirre et al. (2023) (hereafter referred to as CA23) developed a tool which subtracts

airglow emission from COS data to recover the underlying stellar Lyman-α emission by simultane-

ously fitting the intrinsic stellar emission, ISM absorption, and the contaminating airglow. While

the tool was designed for main sequence F-, G-, K-, and M-type dwarf stars in the stellar neigh-

borhood (≲ 80 pc), we attempted to use the tool to recover the faint Lyman-α emission of V1298

Tau.

Due to the distance to V1298 Tau being larger than what the tool was optimized for, we

increased the maximum H I column density to 1020 cm−2, based on measured column densities at

similar distances being ∼19.6 cm−2 (Wood et al., 2005). The spectral location of the airglow profile

changes over time due to the motion of the spacecraft and the time elapsed between COS observa-

tions was large enough to require separate airglow subtractions for each individual observation.

The contaminating airglow dominates the observed spectrum, as shown in Figure 4.4, leaving

behind little flux to inform the reconstruction of the intrinsic stellar emission line profile. The

retrieval is further complicated by the effects of gain sag on the COS detector in the vicinity of
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Figure 4.3: The C IV doublet from V1298 Tau. COS/G160M spectra are shown as the black his-
togram, with representative error bars in red. A two-component Gaussian fit is shown overplotted;
individual components are in the dashed magenta lines and the overall fit is in blue.
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Figure 4.4: Lyman-α airglow subtraction of V1298 Tau. The spectrum as observed by COS is
shown in dark blue. The CA23 tool is used to subtract the airglow, resulting in the recovered
(ISM attenuated) spectrum in light blue. The recovered signal of V1298 Tau is faint, and a reliable
reconstruction of the stellar emission was not possible.
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geocoronal Lyman-α, which reduces the throughput of the stellar signal and was the primary cause

for failed Lyman-α recoveries in CA23. Only two of the three recovered profiles were consistent in

their shape, and were co-added together to try to improve the quality of the fit, but the results

were poorly constrained and unstable even after multiple simplifications to the model describing

the intrinsic line profile.

There are multiple correlation methods to predict the integrated Lyman-α flux using other

more accessible observable quantities, divided into either measured fluxes from emission lines or

stellar parameters. These correlation methods are calibrated using samples of nearby stars where

Lyman-α reconstructions are more viable and these are typically main-sequence stars. Table 4.3

lists the Lyman-α flux predicted by a number of relations available in the literature, each using

different activity tracers or proxies. All relations from CA23 and Wood et al. (2005) take the form

of a power-law, while the Pineda et al. (2021a) prediction uses the saturation value of the Lyman-α

FLyα

Lbol
broken power-law relation because V1298 Tau is a fast enough rotator to be in the saturated

regime. We adopt the integrated flux predicted by the Wood et al. (2005) Mg II relation because

the other line-based relations are from transition region lines formed over a narrower spatial and

temperature range than Lyman-α.

The Lyman-α profile provided in the final data product scales the Lyman-α reconstruction

of ϵ Eridani1 from the MUSCLES data products (France et al., 2016; Youngblood et al., 2016) by

the ratio between the Lyman-α flux predicted by the Mg II relation, 1.2× 10−13 erg cm−2 s−1, and

the integrated Lyman-α flux reported by Youngblood et al. (2016) for the ϵ Eridani reconstruction,

6.1× 10−11 erg cm−2 s−1. We replace the portion of the observed COS spectrum with the scaled ϵ

Eridani reconstruction in the interval 1214.63 – 1216.78 Å, where the boundaries are identified by

the intersection points between the original observed spectrum and the scaled reconstruction. We

assign errorbars that assume an uncertainty of a factor of 2 in either direction to be conservative.

1 https://archive.stsci.edu/prepds/muscles/

https://archive.stsci.edu/prepds/muscles/
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Table 4.3. Lyman-α Predictions From Correlations

Input Variable Input Quantity Predicted Lyman-α Reference
– [various] [10−13erg s−1 cm−2] –

log10 LSi III /Lbol -5.61 1.0 CA23
log10 LN V/Lbol -5.87 3.0 CA23
Rossby Number assumed saturation regime < Roc = 0.21 6.8 Pineda et al. (2021a)

log10 Mg II hk doublet Surface Flux 6.35 1.2 Wood et al. (2005)

4.5 Extreme Ultraviolet

The extreme ultraviolet (EUV, 100 – 912 Å) spectra of most stars are poorly constrained. The

only facility to observe in this wavelength regime was the Extreme Ultraviolet Explorer (EUVE )

which was operational from 1992 to 2001 and was not sensitive enough to obtain high signal-to-

noise spectra for most main-sequence stars unless they were highly active and/or nearby. This has

proven to be a significant obstacle to studying stellar magnetic activity and exoplanet atmospheric

escape. In the absence of data for most stars, one must either rely on other observed quantities

like the X-ray or Lyman-α flux and then use correlations between that quantity and the EUV flux

of the few stars observed by EUVE (Linsky et al., 2014; Youngblood et al., 2016; France et al.,

2020b), or use a model of the star’s atmospheric structure above the photosphere.

4.5.1 Differential Emission Measure

We use the differential emission measure (DEM) technique, described in detail in Duvvuri

et al. (2021), which has been used in a number of cases to estimate the XUV irradiation of exoplanets

(Sanz-Forcada et al., 2004, 2011; Louden et al., 2017; Diamond-Lowe et al., 2021, 2022), to estimate

the extreme ultraviolet spectrum of V1298 Tau and fill in the gaps between observations. The DEM

method uses observed emission to constrain the density and temperature structure of the upper

stellar atmosphere expressed as a one-dimensional function of temperature Ψ(T ) = nenH
ds
dT (i.e.

the differential emission measure), and then combines this function with atomic data to predict

unobserved emission produced from the same plasma that emitted the observed flux. The DEM
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function can be conceptually described as a collision or reaction rate for exciting electrons to higher

states weighted by the amount of plasma along the line-of-sight at a given temperature (Duvvuri

et al., 2021). The intensity of a specific emission feature can be determined by using atomic data

to construct its “contribution function”, weighting this function by the DEM, and then integrating

over temperature (Kashyap & Drake, 1998; Craig & Brown, 1976). The peak of this integrand is

the “formation temperature Tformation”. To constrain the DEM, it is ideal to have measurements of

multiple emission features that each have very narrowly peaked contribution functions to minimize

the degeneracy of DEM shapes that could produce the observed emission, and whose formation

temperatures densely occupy the full temperature range of interest (104 – 108 K for stellar EUV).

We update the method described in Duvvuri et al. (2021) by using a more recent version of

CHIANTI (v10.0.1, Dere et al. 1997; Del Zanna et al. 2021) and incorporating the recom-

bination continua of hydrogen and helium species (this updated method was also used in Feinstein

et al. 2022). As described in Duvvuri et al. (2021), we use a 5th order Chebyshev polynomial to

describe the functional form of log10Ψ(T ), assume the method has a parameterized intrinsic uncer-

tainty that is a temperature-independent fraction s of the predicted flux, and evaluate the likelihood

of a given DEM function by directly comparing the observed line flux to the flux predicted by inte-

grating the product of the DEM and emissivity function in a Markov Chain Monte-Carlo (MCMC)

sampler. Our approach differs from the iterative Monte-Carlo method (Sanz-Forcada et al., 2004)

by allowing a greater range of “acceptable” solutions; not just finding the “best” DEM for a given

Monte-Carlo sample of line flux distributions, but any DEM that produces a likely fit to the data.

Our approach also differs from the more closely related method employed by Diamond-Lowe et al.

(2021) that used Chebyshev polynomials and MCMC sampling like Duvvuri et al. (2021) but eval-

uated the likelihood in DEM-space, using the integral of the contribution function to determine an

“average DEM” value associated with a single formation temperature for each observed emission

line and fitting to these averages, a method which has significant computational advantages but

again restricts the range of allowed DEM shapes by neglecting the width and shape of the contribu-

tion function. We use the emcee (Foreman-Mackey et al., 2013) affine-invariant implementation of
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Figure 4.5: The Differential Emission Measure model fit compared to representative average DEM
values derived from the observed fluxes used to constrain the fit. The uncertainty of allowed DEM
shapes is greatest in the interval between 3×105 K – 3×106 K where there are no observed emission
features formed at specifically those temperatures. The peak at 6×106 K corresponds to the corona
and the DEM turning down prevents the formation of emission lines at temperatures greater than
1.5× 107 K, which is consistent with the isothermal XSPEC model fit to the X-ray data. Figure 4.6
compares the fluxes predicted by the DEM model to the observed flux constraints.

the Metropolis-Hastings MCMC algorithm (Goodman & Weare, 2010) to sample the joint posterior

distribution of the six polynomial coefficients and s-factor systematic uncertainty. We ran 25 chains

for 2.2× 104 ≲ 110τ steps, where 100 < τ < 200 steps is the range of autocorrelation times for all

parameters calculated by emcee, and discard the first 2× 103 steps from all walkers.

The X-ray spectral bins used to constrain the high-temperature end of the corona were

selected by downsampling the spectral resolution of the merged NICER spectrum to R = λ
∆λ = 40

to ensure all emission line profiles were contained within spectral bins, then identifying which bins

had the highest integrated contributions when querying CHIANTI. The chosen bins correspond to the

strong emission lines between 0.7 and 1.1 keV shown in Figure 4.2, but each bin contains blends from

multiple emission lines which cannot be resolved. The FUV constraints are more straightforward,

the summed flux from observed emission lines from different species, with integrated fluxes from the

line profile fits described in Section §4.4.2, where we use lines we assume have not been significantly

impacted by interstellar reddening. V1298 Tau is active enough that we were able to observe the

Fe XXI 1354 Å coronal emission line, which provides a constraint at temperatures similar to the

X-ray spectral bins and these appear to agree with each other.
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Figure 4.5 shows the distribution of DEM shapes that fit the data, with the median DEM

value represented by a solid purple line and the shaded region filling in the interval between the 16th

and 84th percentile boundaries of DEM values returned by the sampled polynomial shapes. The

horizontal lines represent constraints imposed by the observed fluxes, with the width encompassing

the central 50% of the cumulative integral of the emissivity function and the y−value representing

the average Ψ value obtained by dividing the flux by the integral of the emissivity function (treating

the DEM Ψ as locally constant). These averages are illustrative and meant to show which temper-

atures are constrained by which measurements, color-coded to distinguish between the FUV lines

(light green) and X-ray spectral bins (dark orange). Figure 4.6 compares the predicted fluxes from

the DEM to the observed values and is a more direct visual representation of the model’s goodness-

of-fit while Table 4.4 compares the observations and model predictions for all flux constraints used

in the DEM-fitting process.

The FUV and X-ray data were not taken simultaneously and if there were unresolved flares

in either dataset the non-simultaneity would introduce discrepancies between the predicted EUV

emission and the true quiescent spectrum of V1298 Tau. However, the good agreement between both

X-ray observations indicates that they were at similar levels of flare activity, while no significant

flares were noted in the FUV photon event lightcurve. The DEM average for the FUV Fe XXI

line also agrees well with the constraints from the X-ray data, suggesting that any activity level

discrepancies between the multiple observations fall within the uncertainty of the measurements

and fitting process.
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Figure 4.6: The observed flux constraints are plotted as black points with errorbars corresponding to their measurement uncertainties
while the DEM model predictions are plotted as purple crosses with errorbars corresponding to the 16th – 84th percentile values of the
distribution of fluxes predicted by drawing from the posterior of DEM shapes and the fractional flux systematic uncertainty parameter. The
flux constraints are divided into two categories: ion species corresponding to integrated FUV emission line fluxes (labeled in light green)
and central energies corresponding to the integrated flux of X-ray spectral bins (labeled in dark orange). Beneath each flux constraint’s
label is its log10 Tformation [K] value and the constraints are ordered by formation temperature increasing to the right.
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4.5.2 EUV Spectrum

As mentioned above, we have improved the method of Duvvuri et al. (2021) to include re-

combination continua from hydrogen and helium species which adds bound-free edges most notable

short of 912 Å. In addition to the increased opportunities for statistical rigor and specificity to

individual stars, an advantage of the DEM over scaling relations is the ability to synthesize an

actual spectrum with higher resolution than 100 Å bandpasses. While the DEM cannot predict

line-shapes, predicting the flux from individual optically thin emission lines allows spectral synthe-

sis at a resolution where the width of a line is entirely captured in a single spectral bin. This is

especially important for modelling atmospheric escape from the exospheres of irradiated exoplanets

with methods more sophisticated than energy-limited escape. As observations of the He I 10830 Å

line become increasingly accessible for exoplanets, Oklopčić (2019) demonstrates the necessity of

well-characterized EUV and mid-UV spectra with uncertainties to interpret those observations.

One set of parameters from the posterior distribution describes the shape of the DEM and the

intrinsic uncertainty on fluxes predicted by that DEM. For each sample draw from the posterior we

calculate Ψ using the Chebyshev coefficients, predict the flux f in 1 Å bins from 1 to 1500 Å using

the emissivity functions of all lines that CHIANTI lists within the wavelength bin, and then sample

from a Gaussian N (µ = f, σ = s ·f). This creates one spectrum output corresponding to the single

draw of parameters from the posterior distribution. After 106 such draws we record the 16th, 50th,

and 84th percentile values of the flux in each wavelength bin to infer the EUV spectrum and the

uncertainty of the inference. Figure 4.7 shows the EUV portion of the predicted spectrum which is

enhanced relative to the Sun across the entire EUV regime. The integrated XUV (X-ray + EUV,

< 912 Å) flux from V1298 Tau using our combination of XSPEC, NICER, and the DEM-generated

EUV spectra is 1.74± 0.14× 10−12 erg s−1 cm−2.
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Table 4.4. Integrated fluxes of optically thin FUV emission lines and X-ray spectral bins
compared to the DEM predictions

Emission Feature Wavelengths log10 Tformation Observed Flux DEM Prediction
[Å] log10([K]) [10−15 erg s−1 cm−2] [10−15 erg s−1 cm−2]

Si II 1260.4, 1264.7 4.40 1.61± 0.51 0.981+0.97
−0.724

C II 1335 multiplet 4.66 6.42± 0.436 4.40+3.82
−2.80

Si III 1294.5, 1301.1 4.80 6.53± 0.314 15.5+13.2
−9.90

Si IV 1393.7, 1402.7 4.88 9.18± 0.751 7.14+5.62
−4.50

C III 1175 multiplet 4.92 6.6± 0.314 18.5+13.6
−11.8

C IV 1548.1, 1550.7 5.03 35.1± 3.02 22.4+16.2
−14.2

O IV 1401.1 5.13 0.247± 0.044 0.398+0.278
−0.246

N V 1238.8, 1242.8 5.25 3.34± 0.244 1.98+1.40
−1.26

O V 1371.3 5.29 0.587± 0.05.84 0.896+0.747
−0.582

Ne V 1145.6 5.31 0.0604± 0.047 0.0391+0.0376
−0.0249

0.73 keV 17.0± 0.21 6.79 45.3± 5.45 159+152
−109

0.83 keV 15.0± 0.19 6.81 159± 17.3 144+124
−94.5

1.03 keV 12.0± 0.15 6.81 49.7± 6.39 29.3+20.9
−18.6

1.08 keV 11.5± 0.14 6.85 32.0± 5.06 15.8+11.4
−9.92

1.01 keV 12.3± 0.15 6.85 30.0± 3.68 35.4+28.2
−21.2

0.91 keV 13.6± 0.17 6.89 57.6± 7.25 83.2+59.5
−52.2

Fe XXI 1354.0 6.95 0.598± 0.0576 0.699+1.01
−0.0459

Note. — In cases where multiple transitions are listed for the same ion, the reported flux is
the summed flux across all listed transitions. For X-ray spectral bins, we list the central energy,
wavelength, and wavelength bin width.
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10−18

10−17

10−16

10−15

10−14

10−13

F
lu

x
D

en
si

ty
[e

rg
s−

1
cm
−

2
Å
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Figure 4.7: The EUV spectrum of V1298 Tau.
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4.6 Conclusion

To complete the spectrum we use a PHOENIX model with Teff=5000K, log10 g = 4.0, M/H=0.0

(Husser et al., 2013), resampled to a wavelength resolution of 1.5 Å and rotationally broadened

to 23 km s−1. After scaling the PHOENIX model to match the STIS data at 3100 Å, the model

and data showed good agreement between 2800 and 3100 Å, indicating that this model is a good

approximation for this star’s spectrum at longer wavelengths.

As the star spins down, the non-thermal heating of the star’s upper atmosphere will decrease

over time and reduce the high-energy emission from V1298 Tau, but not necessarily by a constant

value across this wavelength regime depending on how the evolution varies at different stellar at-

mospheric heights/temperatures. The long-term fate of V1298 Tau’s planets will depend on how

the photoevaporative mass-loss changes over the lifetime of the system. Ribas et al. (2005) assem-

bled spectra of solar-mass stars across a wide range of ages, including EUVE data, to characterize

these stars’ evolution of high-energy emission over time. Ribas et al. (2005) fit power-laws to the

integrated flux for 3 XUV bandpasses: 1 – 20, 20 – 100, and 100 – 360 Å and assigned a power-law

for the 360 – 920 Å bandpass. More recent work like Wright et al. (2011) has favored a broken

power-law for X-ray emission, observing that for the youngest stars, the X-ray emission clusters

around a saturation value. Applying the Ribas et al. (2005) power-laws to V1298 Tau drastically

overestimates the observed and predicted fluxes for the individual XUV bandpasses. By taking

V1298 Tau to be representative of the saturation flux for young solar-mass stars, we modify the

Ribas et al. (2005) power-laws to be broken power-laws that follow

Fi =





FV1298 Tau,i, if t < tcrit,i

αi

(
t

1 Gyr

)βi

if t ≥ tcrit,i





(4.1)

where i represents the bandpass intervals, FV1298 Tau,i is the flux of V1298 Tau scaled to a distance

of 1 AU and integrated over the bandpass i, αi and βi are taken from Table 5 of Ribas et al. (2005),

and we solve for the breakpoint of the power-law tcrit,i =
βi

√
FV1298 Tau,i

αi
by requiring the function to

be continuous. The parameters are listed in Table 4.5 and the functions are plotted in Figure 4.8.
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The combination of transit surveys and Gaia has made it possible to identify exoplanet

systems in moving groups and associations with known ages, increasing the number of systems

with precisely known ages. We queried the Exoplanet Archive2 for all confirmed exoplanets with

known radii and orbital periods orbiting stars with 1 < M⋆ < 1.2M⊙ (similar to V1298 Tau

M⋆ = 1.1M⊙) and a known age with an uncertainty less than a factor of 2, then applied the broken

power-law evolution to each planetary system to determine the cumulative XUV irradiation of each

planet, used to color the points in the bottom panel of Figure 4.9.

The planets of the V1298 Tau system are in a relatively sparse region of the plot, but there

are a wide range of ages and XUV irradiation values represented amongst these planets’ closest

neighbors. Looking for trends in XUV irradiation and planet demographics will require filling out

this plot and others like it with different planetary parameters by increasing the range of stellar types

with well-characterized XUV evolution. As exoplanet surveys continue to detect viable systems for

atmospheric characterization via transmission spectroscopy and direct-imaging, interpreting these

observations and studying atmospheric evolution requires more detailed stellar characterization

beyond spectral type. V1298 Tau is one of the brightest exoplanet hosts accessible within our solar

neighborhood (d = 108.5 pc) and we still require model-dependent estimates of its high-energy

emission. This star is an unusual case where the EUV uncertainties are more tightly constrained

than the Lyman-α recovery, but both wavelength regimes need next-generation observatories to

improve our understanding of stellar magnetism and the evolution of exoplanet atmospheres. This

chapter presents a roadmap for calculating empirically-informed spectra of individual exoplanet

host stars that can be used until those observatories become available.

2 https://exoplanetarchive.ipac.caltech.edu/

https://exoplanetarchive.ipac.caltech.edu/
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Table 4.5. Broken power-laws describing the evolution of bandpass fluxes for solar-type stars
determined by linking the Ribas et al. (2005) relations to the V1298 Tau SED collated in this work

Bandpass i FV1298 Tau,i α⋆
i β⋆

i tcrit,i
[Å] [erg s−1 cm−2] [erg s−1 cm−2] [–] [Myr]

1 – 20 515 2.4 -1.92 61.1
20 – 100 62.1 4.45 -1.27 126
100 – 360 82.3 13.5 -1.2 222
360 – 920† 63.0 4.56 -1 72.4

⋆Table 5 of Ribas et al. (2005)

†No data for stars other than the Sun were available for this
bandpass so Ribas et al. (2005) calibrated the power-law by as-
suming β = −1 and solving for α to match the observed flux
from the Sun.
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Figure 4.8: The broken-power laws describing the evolution of high-energy emission for solar-mass
stars divided into 4 bandpasses, annotated with the time corresponding to the breakpoint of the
power-law: 1 – 20 Å (dashed dark blue, 61 Myr), 20 – 100 Å (solid orange, 125 Myr), 100 – 360
Å (dot-dashed green, 221 Myr), 360 – 920 Å (dotted red, 72 Myr). The parameters for the broken
power-laws are listed in Table 4.5.
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Figure 4.9: Both panels plot the planet radius against the orbital period for: a sample of confirmed
exoplanets orbiting stars with a mass similar to V1298 Tau (translucent dots), the V1298 Tau
planets (opaque circles), and Solar System planets (opaque triangles). The top panel colors the
planet markers by the age of the star, with darker shades representing young systems and increasing
brightness with age, while the bottom panel colors the planet markers by the cumulative XUV
irradiation experienced by the planet assuming it has stayed at its current orbit for the entirety
of the system’s age, with the brightness of the color increasing with irradiation. For this sample
selected by stellar mass, where all plotted planets are assumed to have experienced the same high-
energy evolution, the cumulative XUV irradiation is a transformation applied to the age. In a
broader sample, where different stellar hosts follow different XUV irradiation evolution behavior,
other stellar parameters will be introduced into the transformation.



Chapter 5

The Evolution of High-Energy Emission for M Dwarfs

5.1 Introduction

We introduced the use of the differential emission measure to infer the unobserved extreme

ultraviolet spectrum in Chapter 2, showed that the emission from the stellar upper atmosphere

evolves over time in a manner correlated to rotation period or Rossby number in Chapter 3, and

connected these two ideas to evolve the high-energy flux received over time from a star in Chapter

4. Chapter 4 leaned on existing parameterizations of the flux evolution from stars with a mass

M⋆ = 0.8 – 1.2M⊙, but the evolution of all the processes leading to high-energy emission (internal

convection, magnetic energy transport, angular momentum) have a strong dependence on mass and

so the scalings from Ribas et al. (2005) should not be casually applied to other spectral types. This

chapter demonstrates the beginning of a much larger project to fit DEMs for as many low-mass

main sequence stars as I can find sufficient data for, and then use the breadth of this sample across

stellar mass and age to map the high-energy emission as a function of these two variables. Section

§5.2 describes the preparation of the planned full sample and the downselection process for the

subsample analysed in this chapter; Section §5.3 shows the data, DEM model fits, and inferred

EUV spectra for the subsample; Section 5.4 demonstrates a crude interpolation of the DEM as a

function of age for mid-M dwarfs; and Section 4.6 concludes by sketching the planned approach for

a more sophisticated interpolation method using the full sample.
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5.2 Sample

The sample was collated by searching the Mikulski Archive for Space Telescopes (MAST) for

all GKM stars with FUV spectra that used instrument settings capable of observing the emission

lines I use to constrain the DEM, and then trying to find out what X-ray data were available for

these targets. Most of the identified targets were observed in the FUV as part of exoplanet host

characterization programs like the Measurements of the Ultraviolet Spectral Characteristics of Low-

mass Exoplanet Systems (MUSCLES, France et al., 2016), Mega-MUSCLES (Froning et al., 2019;

Wilson et al., 2021), MUSCLES Extension for Atmospheric Transmission Spectroscopy (France

et al., 2020a), and the follow-up characterization of JWST Early Release Science exoplanet host

targets (Youngblood et al., 2021a). These programs typically included requests for X-ray data

from either Chandra or XMM -Newton and therefore had X-ray spectra for the majority of their

targets. Other survey programs that had relevant targets were HAZMAT (Shkolnik & Barman,

2014), FUMES (Pineda et al., 2021a), and StarCAT (Ayres, 2010).

This sample is plotted as a function of effective temperature Teff and stellar rotation period

Prot in Figure 5.1 as purple squares, compared to grey dots representative of the broader stellar

population using data from McQuillan et al. (2014) and Newton et al. (2016). A number of

the plotted stars will have to be dropped because their signal-to-noise (S/N) and/or wavelength

resolution (R = λ
∆λ) is insufficient to get good constraints for the DEM. The wavelength resolution

is particularly an issue for targets where the only available X-ray data is a single band-pass flux

measurement like a ROSAT All-Sky Survey flux which is measured across a bandpass of 0.1 −

−2 keV. However, more stars with the required data are likely to exist in the archive with a more

careful search and at least a few more are likely to be added as TESS discovers planets orbiting

stars bright enough to motivate space telescope observations.

For the interpolation demonstrated in this chapter, I wanted to illustrate the methodology

with a 1-dimensional slice of the larger 2D problem, selecting stars of similar mass or effective

temperature along a range of rotation periods. The MUSCLES and MegaMUSCLES programs
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Table 5.1. The M dwarfs this work fits and compares DEMs for. All intrinsic stellar parameters
except rotation period are from Pineda et al. (2021a) and Pineda et al. (2021b) and distances are
from Gaia Collaboration et al. (2018b). Rotation periods are from Suárez Mascareño et al. (2015)

unless otherwise noted.

Star Mass Radius Effective Temperature Rotation Period Distance
– M⋆ [M⊙] R⋆ [R⊙] Teff [K] Prot [days] d [pc]

AU Mic 0.667 0.80 3619 4.86 (Samus’ et al., 2017) 9.7
GJ 649 0.524 0.53 3621 23.8 (Dı́ez Alonso et al., 2019) 10.4
GJ 849 0.465 0.46 3492 39.2 8.8
GJ 436 0.425 0.43 3477 44.09 9.8
GJ 163 0.405 0.41 3460 61 15.1
GJ 15A 0.393 0.39 3601 30.52 (Newton et al., 2016) 3.6
GJ 176 0.485 0.47 3632 39.3 9.5
GJ 832 0.441 0.44 3539 45.7 5.0

followed a fairly consistent set of observing modes and target S/N, and most importantly had a

consistent file format, so I started there, then used the stellar parameters tabulated in Pineda et al.

(2021b), a paper that homogeneously analyzed the properties of a large sample of M dwarfs, to

select a subset of similarM⋆ and/or Teff M dwarfs. In the future we will use mass as the independent

variable because it is more directly relevant to the physics of stellar atmospheric heating. The stars

chosen for this sub-sample and their stellar parameters are listed in Table 5.1 and are plotted in

Figure 5.1 as hollow red circles.

I modified the line-fitting code developed for Chapter 3 to use emcee (Foreman-Mackey et al.,

2013), a Markov-Chain Monte-Carlo code using the Metropolis-Hastings algorithm (Goodman &

Weare, 2010), to better describe the posterior distribution of line fluxes for weak lines where the

previous method often failed to converge and provide a covariance matrix.
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Figure 5.1: The planned sample for fitting DEMs, likely to change based on data availability.
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5.3 Fit Results: DEMs and EUV Spectra

We are using the updated DEM method described in Chapter 4 where the contribution

functions for X-ray spectral bins and the output EUV spectrum incorporate continua from free-free

emission and the two-photon and recombination continua of H I, H II, He I, He II, and He III.

The contribution functions for all stars are calculated using the same default electron density

Pe = 1017 cm−3 kBT for 104 < T < 108K, the same solar coronal abundances from Schmelz et al.

(2012), and the same default ionization equilibrium from CHIANTI 10.0.1 (Dere et al., 1997; Del

Zanna et al., 2021). This means that all differences in the shape of the output spectrum are from

the shape of the DEM, collapsing all subtleties of the differences in temperature-pressure profile,

abundances, and species ionization from star to star within the uncertainty parameter. As a specific

example, if the abundance of a single element like C relative to H varies with temperature in a

manner different from Fe, that will increase the systematic uncertainty when trying to fit emission

from both species because moving the DEM up or down will affect all species equally.

Figure 5.2 – 5.9 are “summary figures” developed to look at a single star’s DEM fitting

and EUV output at a glance, enabling easier comparison between targets. The summary figure is

divided into four panels, referred to in this explanation as “DEM” (top left), “EUV” (bottom left),

“FIT” (top right), “SAMPLE” (bottom right). The title of the summary figure at the top shows

the star’s name in boldface, followed by the star’s “Teff [K]; M⋆ [M⊙]; R⋆ [R⊙]; Prot [days]; d [pc]”.

The DEM panel shows the maximum-likelihood sample DEM for the star with a dashed blue line,

flanked on either side by a blue swath enclosing the 16th – 84th percentile values of all the samples’

DEM values at that temperature. The DEM averages associated with each flux constraint are

also plotted, where the width of the line describes the central 50% of the cumulative integral of the

contribution function for the flux constraint, and the y-axis position reflects the DEM value required

to produce the observed flux if the DEM was a constant across the entire temperature domain.

The broader the line and the more the shape of the DEM varies within the line’s boundaries, the

less meaningful the plotted average becomes. The EUV panel shows the output EUV spectrum as
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observed at 1 AU with a step-style blue line, with 16th – 84th percentile boundaries of 106 draws

from the combination of sampling from the DEM posterior and the Gaussian N (µ = fλ, σ = s · fλ)

to incorporate the systematic uncertainty parameter. The FIT panel is a direct representation

of the model’s goodness-of-fit, where the x-axis is the flux of a measured emission feature scaled

to a distance of 1 AU and the y-axis separates each flux constraint by tick marks and is ordered

by formation temperature increasing from top to bottom. The black dot and its errorbars are

the measurement used to inform the fit (but plotted with the 1 AU scaling applied, the fit uses

the value as measured in the data) while the blue cross and its errorbars are the median model

prediction for that emission feature and the 16th – 84th percentile boundaries for that prediction

while incorporating the systematic uncertainty as described earlier. Finally, the SAMPLE panel is

a miniaturized modification of Figure 5.1 to plot the Teff and Prot of the the planned full sample

(purple squares), the subsample studied in this chapter (red circles), and the subject of the summary

figure (solid navy blue star).

While keeping in mind that these are not strict quantitative comparisons because the DEM

shapes are conditional to the assumed contribution functions, having a number of them together

makes it possible to compare structural features between stars, with the additional caveat that this

is a very limited sample to make strong claims with. Starting from the knowledge that the low

temperature end is the base of the chromosphere while the high temperature end is the corona, the

peak at high temperatures corresponds to the highest temperature at which there is a significant

amount of material in the corona, conceptually related to the coronal temperature reported by

single-temperature model fits commonly used in X-ray spectral analysis. The gradient of the DEM

at the low temperature end is somehow related to the combination of the temperature and density

gradient across the chromosphere. The link between these two features is the transition region,

where a high DEM translates to physically thicker transition region.
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Å
−

1
]

10−16 10−13 10−10
Flux [erg s−1 cm−2]

Fe XXI

Fe XIX

Fe XII

Ne V

N V

S V

Si IV

Si III

S III

N II

C II

S II

Si II

4000 6000
Teff [K]

10−1

100

101

102

P
ro

t
[d

ay
s]

AU Mic: 3619 K; 0.667M�; 0.80R�; 4.86 days; 9.7 pc

Figure 5.2: AU Mic
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GJ 649: 3621 K; 0.524M�; 0.53R�; 23.8 days; 10.4 pc

Figure 5.3: GJ 649
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GJ 849: 3492 K; 0.465M�; 0.46R�; 39.2 days; 8.8 pc

Figure 5.4: GJ 849
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GJ 436: 3477 K; 0.425M�; 0.43R�; 44.09 days; 9.8 pc

Figure 5.5: GJ 436
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GJ 163: 3460 K; 0.405M�; 0.41R�; 61 days; 15.1 pc

Figure 5.6: GJ 163
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GJ 15A: 3601 K; 0.393M�; 0.39R�; 30.52 days; 3.6 pc

Figure 5.7: GJ 15A
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Figure 5.8: GJ 176: known flaring reported in Loyd et al. (2018b)
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Å
−

1
]

10−16 10−13 10−10
Flux [erg s−1 cm−2]

1.55 keV

1.13 keV

0.89 keV

0.73 keV

0.62 keV

0.39 keV

0.54 keV

0.35 keV

0.28 keV

0.30 keV

Fe XII

0.25 keV

O V

N V

O IV

C IV

C III

Si IV

Si III

C II

Si II

4000 6000
Teff [K]

10−1

100

101

102

P
ro

t
[d

ay
s]

GJ 832: 3539 K; 0.441M�; 0.44R�; 45.7 days; 5.0 pc

Figure 5.9: GJ 832: known flaring reported in Loyd et al. (2018b)
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5.4 Interpolating the DEM and EUV Spectrum

Excluding GJ 15A (which has the lowest mass of the stars above) and the flare-contaminated

stars GJ 176 and GJ 832, we are left with five stars: AU Mic, GJ 649, GJ 849, GJ 436, and GJ

163. For AU Mic we assign the literature age of 22 Myr (Plavchan et al., 2020), and for the others

we use Equation 1 of Engle & Guinan (2018) to convert their rotation periods to an age estimate

τ⋆, marked by the annotations to the red vertical lines in the top panel of Figure 5.10. Then we

use the median DEM shape from these 5 stars, plotted in the second row of panels in Figure 5.10

to linearly interpolate the DEM as a function of log10 τ , showing three example interpolated DEMs

in the bottom row of panels in Figure 5.10, associated with the ages marked by the annotations to

the grey vertical lines in the top panel of Figure 5.10.

We use this interpolated function to calculate the cumulative irradiation over an arbitrary

time and wavelength bandpass

Iλl–λu(t) =

∫ tGyr

0Gyr

∫ λu

λl

Fλ(t
′)dλdt′ (5.1)

for a hypothetical M2V dwarf with properties that are some average over those of the five

stars used to determine the interpolant (R⋆ = 0.5R⊙, Teff = 3600K). We plot the cumulative

irradiation of a planet orbiting at 1 AU as a function of stellar age in Figure 5.11.
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5.5 Future (of this) Work

The interpolation method described in Section §5.4 is crude, discounting uncertainties in

every step of the process and lumping together a wide range of masses, but demonstrates the

principle of a powerful tool to study exoplanet atmospheres by describing the time-evolution of

high-energy emission. The first step is to fit DEMs to the broader sample, dropping stars where the

DEMs are too unconstrained to be useful and adding stars with a more careful look at the archive

and upcoming observing programs. Once the sample is populated enough for some subspace of

stellar mass and age (or age proxy), we can test different interpolation schemes and incorporate

the uncertainty of all inputs by drawing randomly from the posterior of DEMs for sample stars in

tandem with random draws of the stellar parameters we are interpolating over. Then for whatever

specific interpolation method we use for the DEM across the stellar parameters, we can parameterize

the systematic uncertainty of the interpolation by iteratively testing its ability to replicate the

original DEM fits for some randomly selected test subset excluded from the DEMs used to inform

the interpolation. I plan to do this for M dwarfs first by completing fits for all the MUSCLES,

MegaMUSCLES, and FUMES targets with sufficient data. The fits for these M dwarfs and a

slightly more sophisticated version of the 1D interpolation done here will be an expanded version of

this chapter that I plan to submit for publication, leaving the complete sample and 2D interpolation

to future work.
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300 – 600 Å

600 – 920 Å
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Chapter 6

Future Work

The organizing principle of this thesis, the characterization of high-energy emission from

low-mass stars, is very much a post hoc summary of the work done during my graduate school

experience, but that does not make it untrue. The primary motivation for most of this work was

to be able to inform studies of exoplanetary systems and learning about stellar magnetism was at

first a means to that end. In this case, familiarity has bred curiosity rather than contempt, and

many of the questions I want to explore in the future are directly concerned with stellar magnetic

heating while my interest in exoplanetary systems persists.

There are many improvements to the differential emission measure approach that remain to

be made, particularly in using semi-empirical stellar atmosphere models to refine the calculation

of contribution functions and add more physical information to the prior constraints on the DEM

functional form as well as using the DEM as a starting point to tune semi-empirical models. Of

course the hope is that with more well-tuned semi-empirical model atmospheres to look at, we

can improve our understanding of the physical processes in real stars. The observational tests of

stochastic variability described in Chapter 3 are worth doing and as spectroscopic observations

improve in resolution, readout time, and sensitivity across all wavelengths we can directly link

the variability observed in disk-integrated stellar spectra to more local observations of the Sun.

My time here has made it clear that Sun as a star observations need to be extended to shorter

wavelengths and considered in terms beyond mitigating stellar activity signals in radial velocity

observations.
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The data collation for my planned interpolation project presents many more opportunities

beyond a library of inferred EUV spectra; there are many lines formed in more complicated ways

than pure collisional excitation and studying their behavior across that large sample may prove a

more direct test of the trends in magnetic heating required to produce patterns we might see in

recombination features which are particularly sensitive to the velocity distribution of free electrons.

Every flare spectrum I set aside from the DEM work is a flare worth looking at on its own terms

and applying the principle of different lines as probing different heights/temperatures may allow

us to track the flare in motion as individual lines skew red or blue, with a sign change in the skew

marking the passing of the chromospheric condensation layer at that line’s formation temperature.

On the planetary side, it would be nice to move beyond providing inputs for exoplanet

atmosphere models and interpreting observations of transmission spectroscopy to start doing those

things myself. France et al. (2020b) used DEM-generated EUV spectra of Barnard’s Star during

both flare and quiescence to inform a long-term atmospheric escape model that included planetary

magnetic field effects, while Feinstein et al. (2022) used the DEM-generated spectrum of AU Mic

to calculate an energy-limited escape rate for planets orbiting AU Mic. There is a lot of open space

between those two applications of EUV spectra; for example modelling the escape from a toy model

single or double molecule composition atmosphere that incorporates the absorption cross-section of

those species to test whether the maximum depth reached by EUV photons changes significantly

over a planetary lifetime for a particular choice of dominant molecular species. Inferences of escape

rates from He I 1083 nm transmission spectroscopy depend on both the model assumptions for

the hydrodynamic outflow and the assumed high-energy spectrum to determine the population of

the metastable state of the emission line. I would like my future research program to broadly

speaking be the study of exoplanetary systems over system lifetimes, making connections between

the changes of the star, planet, and their shared environment.
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Amerstorfer, U. V., Gröller, H., Lichtenegger, H., Lammer, H., Tian, F., Noack, L., Scherf, M.,
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Ribas, I., Guinan, E. F., Güdel, M., & Audard, M., 2005, Evolution of the Solar Activity over Time

and Effects on Planetary Atmospheres. I. High-Energy Irradiances (1-1700 Å), ApJ, 622(1), 680–
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